
164CHAPTER 11. SUPERNOVA REMNANTS AND COSMIC RAYS: OBSERVATIONS

Figure 11.9:
fig:casa_tycho_kepler_filaments
Three young supernova remnants as observed by the Chandra X-ray

Observatory, all with the 4-6 keV synchrotron dominated band assigned to the blue
channel. From left to right: Cas A, Kepler’s SNR, and Tycho’s SNR. As can be seen the
narrow (⇠100) synchrotron emitting regions are confined to the forward shock regions
in Tycho’s and Kepler’s supernova remnants, whereas for Cas A in addition there also
filaments in the interior, mostly concentrated toward the Western part of the remnant.

magnetic field, so unless Vsh > 5000 km s�1 and/or Rsh < 5 pc the X-ray synchrotron
spectrum is limited by losses.

In addition one invoke that, in the case of an age-limited electron population, the
acceleration time scale is smaller than the synchrotron time scale. But this bring us
back to (10.49), except that we should replace the ”⇡”-sign with a smaller-than sign
(<). The latter implies that no-matter whether the electron population is age- or loss-
limited, the implication of X-ray synchrotron radiation is always h ⇠ 1. However,
h ⇠ 1 corresponds to a very turbulent magnetic field, which likely requires that cosmic-
ray streaming has actively transformed the magnetic-field of the ambient medium, and
evenly more plausibly has amplified it. This is at odds with the low magnetic field
strengths implied by (11.20) for loss-limited X-ray synchrotron spectra, except perhaps
for a rather compact and rapidly expanding young supernova remnant like G1.9+0.3.

11.2.2 Probing magnetic field strength with the widths of X-ray
synchrotron filaments

{sec:xray_width_theory}
The Japanese ASCA satellite was first in opening up the sky to X-ray imaging spec-
troscopy, but had a relatively poor angular resolution of ⇠ 10. However, the next genera-
tion of large X-ray telescope ESA’s XMM-Newton satellite and, in particular, NASA’s
Chandra X-ray Observatory, dramatically improved the angular resolution of X-ray
imaging spectroscopy. Chandra’s resolution of ⇡ 0.500 rivals that of the Hubble Space
Telescope in the optical. The high spatial resolution of Chandra revealed that not even
young supernova remnants like Cas A, Kepler’s SNR, and Tycho’s SNR, whose X-ray
spectra are dominated by line emission, have filaments at the shock front, which are
dominated by continuum emission [157, 187]. The featureless spectra of these fila-
ments were similar to the X-ray spectra from the caps in SN 1006 and quickly accepted
to be caused by synchrotron radiation. However, for these young supernova remnants
the filaments were very narrow, as can be appreciated in Fig. 11.9. In fact, they can
only be resolved by Chandra, having widths of the order of 100.

Soon after the discovery of these filaments it was realised that their narrow widths
implies relatively high magnetic-field strength [357, 53, 48, 363]. The simplest way
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Cosmic-ray spectrum and energy density
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•Galactic CRs: 3x1015 eV (protons)  
•Composition around “knee” 

•Change proton → Z>2 
•Energy density (@ GeV): 

•1 eV/cm3 
•Energy production (Ginzburg+ 1950s): 

•Q=Energy density x Volume/τesc 
•Volume =πR22H 

•From radio-active elements in cosmic rays @ GeV: τesc≈1.5x107 yr 
•⇒Qcr ≈ 1041 erg/s 

•SNe: 2-3/century, 1051erg/SN  ⇒Qsn ≈ 1042erg/s 

•⇒10% CR acceleration efficiency needed ⇒ SNe can do it 
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Figure 10.1: The cosmic-ray flux spectrum as measured by various experiments, based
on the compilation of [242], and [28, 25, 31, 4]. The flux points below ⇠ 1014 eV are
based on proton cosmic rays only, and have been multiplied by a factor 3, in order to
match the all-species cosmic-ray spectra at higher energies. Left: The spectrum in flux
units, showing that the spectrum is nearly a power law from 1010 eV to 1019 eV. Right:
The spectrum multiplied by E2.7, which brings out features like the ”Knee” and the
”Ankle”.

fig:cr_spectrum

and other accelerated atomic nuclei are also present. These results also suggested that
the particle acceleration probably took place in the supernova remnant rather than dur-
ing the supernova explosion itself.

Since the 1950ies there has been a lot of progress in understanding particle ac-
celeration in supernova remnants. This progress has been caused by the tremendous
advances in multiwavelength, observational capabilities, which now includes detecting
charged particles with energies in excess of 10 TeV with g-ray and X-ray telescopes. In
addition, our theoretical understanding of particle acceleration by supernova remnant
shocks has greatly advanced. This does not mean that we are absolutely certain that
most cosmic rays bombarding Earth are originating from supernova remnants. As will
be explained in this chapter, there are two main requirements for supernova remnants
to be the primary source of Galactic cosmic rays:

1. supernova remnants have to be able to convert 5-20% of the explosion energy to
cosmic-ray energy (i.e. about 1050 erg per supernova remnant), and

2. supernova remnants have to be capable of accelerating protons to energies of at
least 3⇥1015 eV (3 PeV).

In this chapter and the next we will explain where these two requirements come
from and what theoretical considerations and observational data tell us about whether
supernova remnants can indeed be the primary sources of Galactic cosmic rays.

10.1.1 The cosmic-ray spectrum
{sec:cr_spectrum}

The measured cosmic rays spectrum spans eleven orders of magnitude, from roughly
109 �1020 eV (Fig. 10.1). For energies around and below 1 GeV the spectrum as ob-
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Table 1.1: Energy sources in the Galaxy and the total mechanical power they may provide.

Source type Primary energy source Frequency Total Galactic Power Remarks
(erg) (yr�1) (erg s�1)

supernova remnants 1051 ⇡ 1/30 ⇡ 1042

pulsars Erot = 5⇥1048(P/100 ms)�2 erg < 1/30 . 2⇥1040 Eq. (??). e
+/e

� source.
stellar winds ⇡ 2⇥1049 < 1/30 . 5⇥1040 See § ??
superbubbles 1051 < 1/30 . 1042 [191].
Novae ⇡ 1046 ⇡ 50 ⇡ 2⇥040 [218]
X-ray binaries/micro-quasars < 1049 50�200 sources . 2⇥040 [107]
Central Black Hole ? 1036 �1040? [150, 123, 148]
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Acceleration of petaelectronvolt protons in the 
Galactic Centre
HESS Collaboration*

Galactic cosmic rays reach energies of at least a few petaelectronvolts1 
(of the order of 1015 electronvolts). This implies that our Galaxy 
contains petaelectronvolt accelerators (‘PeVatrons’), but all proposed 
models of Galactic cosmic-ray accelerators encounter difficulties 
at exactly these energies2. Dozens of Galactic accelerators capable 
of accelerating particles to energies of tens of teraelectronvolts  
(of the order of 1013 electronvolts) were inferred from recent γ-ray 
observations3. However, none of the currently known accelerators—
not even the handful of shell-type supernova remnants commonly 
believed to supply most Galactic cosmic rays—has shown the 
characteristic tracers of petaelectronvolt particles, namely, power-
law spectra of γ-rays extending without a cut-off or a spectral break 
to tens of teraelectronvolts4. Here we report deep γ-ray observations 
with arcminute angular resolution of the region surrounding the 
Galactic Centre, which show the expected tracer of the presence 
of petaelectronvolt protons within the central 10 parsecs of the 
Galaxy. We propose that the supermassive black hole Sagittarius  
A* is linked to this PeVatron. Sagittarius A* went through active 
phases in the past, as demonstrated by X-ray outbursts5 and an 
outflow from the Galactic Centre6. Although its current rate of 
particle acceleration is not sufficient to provide a substantial 
contribution to Galactic cosmic rays, Sagittarius A* could have 
plausibly been more active over the last 106–107 years, and therefore 
should be considered as a viable alternative to supernova remnants 
as a source of petaelectronvolt Galactic cosmic rays.

The large photon statistics accumulated over the last 10 years of 
observations with the High Energy Stereoscopic System (HESS), 
together with improvements in the methods of data analysis, allow for 
a deep study of the properties of the diffuse very-high-energy (VHE; 

*Lists of participants and their affiliations appear at the end of the paper.

more than 100 GeV) emission of the central molecular zone. This region 
surrounding the Galactic Centre contains predominantly molecular gas 
and extends (in projection) out to radius r ≈  250 pc at positive Galactic 
longitudes and r ≈  150 pc at negative longitudes. The map of the central 
molecular zone as seen in VHE γ -rays (Fig. 1) shows a strong (although 
not linear; see below) correlation between the brightness distribution 
of VHE γ -rays and the locations of massive gas-rich complexes. This 
points towards a hadronic origin of the diffuse emission7, where the  
γ -rays result from the interactions of relativistic protons with the ambi-
ent gas. The other important channel of production of VHE γ -rays is 
the inverse Compton (IC) scattering of electrons. However, the severe 
radiative losses suffered by multi-TeV electrons in the Galactic Centre 
region prevent them from propagating over scales comparable to the 
size of the central molecular zone, thus disfavouring a leptonic origin of 
the γ -rays (see discussion in Methods and Extended Data Figs 1 and 2).

The location and the particle injection rate history of the cosmic-ray 
accelerator(s) responsible for the relativistic protons determine the 
spatial distribution of these cosmic rays which, together with the gas 
distribution, shape the morphology of the central molecular zone 
seen in VHE γ -rays. Figure 2 shows the radial profile of the E ≥   10 TeV 
cosmic-ray energy density wCR up to r ≈  200 pc (for a Galactic Centre 
distance of 8.5 kpc), determined from the γ -ray luminosity and the 
amount of target gas (see Extended Data Tables 1 and 2). This high 
energy density in the central molecular zone is found to be an order of 
magnitude larger than that of the ‘sea’ of cosmic rays that universally 
fills the Galaxy, while the energy density of low energy (GeV) cosmic 
rays in this region has a level comparable to it8. This requires the pres-
ence of one or more accelerators of multi-TeV particles operating in 
the central molecular zone.
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Figure 1 | VHE γ-ray image of the Galactic Centre region.  The colour 
scale indicates counts per 0.02° ×   0.02° pixel. a, The black lines outline 
the regions used to calculate the cosmic-ray energy density throughout 
the central molecular zone. A section of 66° is excluded from the annuli 
(see Methods). White contour lines indicate the density distribution of 

molecular gas, as traced by its CS line emission30. Black star, location of 
Sgr A* . Inset (bottom left), simulation of a point-like source. The part of 
the image shown boxed is magnified in b. b, Zoomed view of the inner  
∼  70 pc and the contour of the region used to extract the spectrum of the 
diffuse emission.

© 2016 Macmillan Publishers Limited. All rights reserved
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If the accelerator injects particles (here we consider protons through-
out) at a continuous rate, ( )!Q Ep , the radial distribution of cosmic rays 
in the central molecular zone, in the case of diffusive propagation, is 
described9 as ( ) = ( )

π ( )

!
w E r t, , Q E

D E rCR 4
p  erfc(r/rdiff), where D(E) and rdiff are  

the diffusion coefficient and radius, respectively. For timescales t 
smaller than the proton–proton interaction time (tpp ≈    
5 ×   104(n/103)− 1 yr, where n is the density of the hydrogen gas in cm− 3), 
the diffusion radius is ≈ ( )r D E t4diff . Thus, at distances r <   rdiff, the 
proton flux should decrease as ∼  1/r provided that the diffusion coef-
ficient does not vary much throughout the central molecular zone. The 
measurements clearly support the wCR(r) ∝   1/r dependence over the 
entire central molecular zone region (Fig. 2) and disfavour both 
wCR(r) ∝   1/r2 and wCR(r) ∝   constant profiles (the former is expected if 
cosmic rays are advected in a wind, and the latter in the case of a single 
burst-like event of cosmic-ray injection). The 1/r profile of the cos-
mic-ray density up to 200 pc indicates a quasi-continuous injection of 
protons into the central molecular zone from a centrally located accel-
erator on a timescale ∆ t exceeding the characteristic time of diffusive 
escape of particles from the central molecular zone, that is, ∆ t ≥  tdiff ≈   
R2/6D ≈   2 ×   103(D/1030)− 1 yr, where D (in cm2 s− 1) is normalized to 
the characteristic value of multi-TeV cosmic rays in the Galactic disk10. 
In this regime the average injection rate of particles is found to  
be (≥ )≈ × ( / )!Q D10 TeV 4 10 10p

37 30  erg s− 1. The diffusion coefficient 
itself depends on the power spectrum of the turbulent magnetic field, 
which is unknown in the central molecular zone region. This intro-
duces an uncertainty in the estimates of the injection power of relativ-
istic protons. Yet, the diffusive nature of the propagation is constrained 
by the condition R2/6D ≫ R/c. For a radius of the central molecular 
zone region of 200 pc, this implies D ≪ 3 ×   1030 cm2 s− 1, and, conse-
quently, . × −! ≪Q 1 2 10 erg sp

38 1.
The energy spectrum of the diffuse γ -ray emission (Fig. 3) has been 

extracted from an annulus centred at Sagittarius (Sgr) A*  (see Fig. 1). 
The best fit to the data is found for a spectrum following a power law 
extending with a photon index of ∼  2.3 to energies up to tens of TeV, 
without a cut-off or a break. This is the first time, to our knowledge, 
that such a γ -ray spectrum, arising from hadronic interactions, has 
been detected. Since these γ -rays result from the decay of neutral pions 
produced by pp interactions, the derivation of such a hard power-law 

spectrum implies that the spectrum of the parent protons should extend 
to energies close to 1 PeV. The best fit of a γ -ray spectrum from neutral 
pion decay to the HESS data is found for a proton spectrum following 
a pure power law with an index of ∼  2.4. We note that pp interactions 
of 1 PeV protons could also be studied by the observation of emitted 
neutrinos or X-rays from the synchrotron emission of secondary elec-
trons and positrons (see Methods and Extended Data Figs 3 and 4). 
However, the measured γ -ray flux puts the expected fluxes of neutri-
nos and X-rays below or at best close to the sensitivities of the current 
instruments. Assuming a cut-off in the parent proton spectrum, the 
corresponding secondary γ -ray spectrum deviates from the HESS data 
at 68%, 90% and 95% confidence levels for cut-offs at 2.9 PeV, 0.6 PeV 
and 0.4 PeV, respectively. This is the first robust detection of a VHE 
cosmic hadronic accelerator which operates as a source of PeV particles 
(a ‘PeVatron’).

Remarkably, the Galactic Centre PeVatron appears to be located 
in the same region as the central γ -ray source HESS J1745−  290  
(refs 11–14). Unfortunately, the current data cannot provide an answer 
as to whether there is an intrinsic link between these two objects. The 
point-like source HESS J1745−  290 itself remains unidentified. Besides 
Sgr A* (ref.  15), other potential counterparts are the pulsar wind nebula  
G 359.95−  0.04 (refs 16, 17) and a spike of annihilating dark matter18. 
Moreover, it has also been suggested that this source might have a 
diffuse origin, peaking towards the direction of the Galactic Centre 
because of the higher concentration there of both gas and relativistic 
particles15. In fact, this interpretation would imply an extension of the 
spectrum of the central source to energies beyond 10 TeV, which how-
ever is at odds with the detection of a clear cut-off in the spectrum of 
HESS J1745−  290 at about 10 TeV (refs 19, 20; Fig. 3). Yet the attractive 
idea of explaining the entire γ -ray emission from the Galactic Centre by 
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Figure 2 | Spatial distribution of the cosmic-ray density versus 
projected distance from Sgr A*.  The vertical and horizontal error bars 
show the 1σ statistical plus systematic errors and the bin size, respectively. 
Fits to the data of a 1/r (red line, χ2/d.o.f. =   11.8/9), a 1/r2 (blue line, χ2/
d.o.f. =   73.2/9) and a homogeneous (black line, χ2/d.o.f. =   61.2/9) cosmic-
ray density radial profile integrated along the line of sight are shown. The 
best fit of a 1/rα profile to the data is found for α =   1.10 ±   0.12 (1σ). The 
1/r radial profile is clearly preferred for the HESS data.
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Figure 3 | VHE γ-ray spectra of the diffuse emission and HESS  
J1745−290.  The y axis shows fluxes multiplied by a factor E2, where E is the 
energy on the x axis, in units of TeV cm− 2 s− 1. The vertical and horizontal 
error bars show the 1σ statistical error and the bin size, respectively. Arrows 
represent 2σ flux upper limits. The 1σ confidence bands of the best-fit 
spectra of the diffuse and HESS J1745− 290 are shown in red and blue 
shaded areas, respectively. Spectral parameters are given in Methods. The 
red lines show the numerical computations assuming that γ -rays result from 
the decay of neutral pions produced by proton–proton interactions. The 
fluxes of the diffuse emission spectrum and models are multiplied by 10 to 
visually separate them from the HESS J1745− 290 spectrum.

© 2016 Macmillan Publishers Limited. All rights reserved
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Supernovae and the origin of cosmic rays
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Frits Zwicky (1898-1974)Walther Baade (1893 - 1960)

ASTRONOMY: BAADE AND ZWICKY

advanced in this article must be postponed because of lack of space. We
wish to say only

(1) So far we cannot offer any satisfactory explanation of the east-
west effect.

(2) It remains to be explained why the dust and gas clouds which lie
along the principal plane of our own galaxy do not appreciably absorb the
cosmic rays.5 This point, however, needs further observational testing.

In addition, the new problem of developing a more detailed picture of the
happenings in a super-nova now confronts us. With all reserve we ad-
vance the view that a super-nova represents the transition of an ordinary
star into a neutron star, consisting mainly of neutrons. Such a star may
possess a very small radius and an extremely high density. As neutrons
can be packed much more closely than ordinary nuclei and electrons, the
"gravitational packing" energy in a cold neutron star may become very
large, and, under certain circumstances, may far exceed the ordinary
nuclear packing fractions. A neutron star would therefore represent the
most stable configuration of matter as such. The consequences of this
hypothesis will be developed in another place, where also will be mentioned
some observations that tend to support the idea of stellar bodies made up
mainly of neutrons.

D. Conclusions.-From the data available on super-novae we conclude
(1) Mass may be annihilated in bulk. By this we mean that an assembly

of atoms whose total mass is M may lose in the form of electromagnetic
radiation and kinetic energy an amount of energy ET which probably
cannot be accounted for by the liberation of known nuclear packing frac-
tions. Several interpretations of this result are possible and will be pub-
lished in another place.

(2) The hypothesis that super-novae emit cosmic rays leads to a very
satisfactory agreement with some of the major observations on cosmic
rays.
Our two conclusions are essentially independent of each other and should

perhaps be judged separately, each on its respective merits.
F. Zwicky, Phys. Rev., 43, 147 (1933).

2 E. Regener, Zeit. f. Phys., 80, 666 (1933).
3 R. A. Millikan, I. S. Bowen and H. V. Neher, Phys. Rev., 44, 246 (1933).
4E. Regener, Nature, 132, 696 (1933).
6 F. Zwicky, Helvetica Physica Acta, 6, 110 (1933).

VOL. 20, 1934 263
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Figure 2.1: Left: VLA radio map of Cas A at 6 cm. Right: The polarised intensity
map (

p
Q2 +U2) at 6 cm. (Both maps: courtesy of Tracy Delaney).

obvious link to cosmic-ray acceleration theory (§ 1.2.1), the energy in relativistic elec-
trons and, through polarisation measurements, the magnetic-field topology. All these
aspects we will describe below.

The limitations of radio emission to study the acceleration of cosmic rays by super-
nova remnants is that it allows only the study of relativistic electrons, whereas cosmic
rays consist for more than 99% of atomic nuclei (§ 1.1.2). Since the relation of syn-
chrotron frequency to electron energy is n ⇡ 4.7⇥108(B/100µG)E2

GeV Hz (??), radio
synchrotron emission informs us of electrons with energies around 109 eV, whereas we
would like to learn more about the maximum energy particles can be accelerated to,
which we expect to be in the 1013 eV to > 1015 eV range.

2.1.1 The radio spectral index distribution
The radio spectral index of shell-type supernova remnants, i.e. those supernova rem-
nants without a dominant pulsar win nebula component, is on average a = 0.5 (defined
as S(n) µ n�a ); see Fig. 2.2. As explained in § ?? a = 0.5 corresponds to an electron
number index of q= 2 (i.e. n(E)µ E

�q). The average radio spectral index is, therefore,
close to that predicted by the theory of diffusive shock acceleration (§ ??).

The average radio spectral index of 0.5 is what sets most supernova remnants apart
from other radio sources. In the Galaxy most extended sources are HII regions, which
emit free-free radiation (§ ??), which are characterised by a spectrum of a = 0.1, or
even inverted (a < 0) if they are optically thick. pulsar wind nebulae have also flatter
spectra than supernova remnants, with typically a ⇡ 0.2� 0.3. It is these different
spectral slopes that are often used to discover new supernova remnants in radio surveys
[e.g. 81].

However, the spread around a = 0.5 is quite large. Part of that spread is due to
measurements errors, as radio synthesis telescopes cannot always reliably measure the
total radio flux of extended objects, and for not all supernova remnants the index has
been determined with as much care as needed. Nevertheless, from those supernova
remnants with reliable spectral index measurements it is clear that the variation in a
is real. In particular it is striking that young supernova remnants tend to have steeper
spectra (a > 0.5). For example, SN 1006 has a = 0.6 [38], Tycho’s SNR/SN 1572 has
a = 0.65 [164], Kepler’s SNR/SN 1604 has a = 0.71 [98], and Cas A has a = 0.77

•1950s: SNRs discovered as synchrotron radio sources (Skhlovsky) 
•Particles (electrons) are accelerated to relativistic energies 

•The “supernova paradigm” shifts (slowly) to the “supernova remnant paradigm”

Cassiopeia A
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•Acceleration to higher energies: larger magnetic fields (or bigger size needed) 
•SNRs: B≈10 µG (?), L≈5 pc ⇒ E15≈0.25  

⇒ SNRs cannot so easily do it!!

The Hillas plot!
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SNRs cannot so easily accelerate to the knee!

 7
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1983: 
Thus supernova shock acceleration cannot account for 
the observed spectrum of galactic cosmic rays in the 
whole energy range 109-1013 eV/n. 

     
    Assumptions: Galactic magnetic fields of 5μG 
    Upper limit: high turbulence 



Michael Hillas 2005
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Supernova remants (as a/in a nut) shell!
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5.3. THE REVERSE SHOCK 35
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Figure 5.1:
fig:rev_shock
Schematic view of the forward shock/reverse shock system [after 244].

5.3 The reverse shock
{sec:rev_shock}

As already indicated the fast expanding ejecta will rapidly cool adiabatically. As a
result the pressure P of the ejecta gas drops fast. For an ideal gas we have:fr

PV g =constant (5.4) {eq:adiabatic_losses}
)

Pej = P⇤
✓

Rej

R⇤

◆�3g
= P⇤

✓
Rej

R⇤

◆�5
, kTej = kT⇤

✓
Rej

R⇤

◆�2
.

with V the volume, and P⇤ and T⇤ the initial pressure and temperature at a radius R⇤.
The fastest moving, outer-most, ejecta will create a shock wave in the CSM/ISM,

and as a result a hot shell is created, which has a velocity lower than the ejecta that
caused the formation of the shock wave. As a result the freely expanding ejecta inside
the shell will collide with the shell. If this collision occurs at supersonic speed then a
shock wave will form, which (re)heats the adiabatically cooled ejecta [244]. This shock
wave is called the reverse shock (subscript rsh) and to distinguish from the forward
moving blast wave, the latter is often referred to as the forward shock (fsh).

The reverse shock (re)heats the ejecta, and makes that in young supernova remnants
we detect many X-ray lines from hot metal enriched ejecta (chapter ??). A schematic
drawing of a young supernova remnant is shown in Fig. 5.1. It shows that the hot shell
consists of two parts, roughly in pressure equilibrium: the outer most shell region con-
sists of ISM/CSM heated by the forward shock, more toward the center is the reverse
shock heated ejecta, and inside the reverse shock radius is cold freely expanding ejecta.
The boundary between the shock-heated ejecta and CSM/ISM is called the contact dis-
continuity. As the hot ejecta and shock-heated CSM/ISM are likely to have different
densities, Rayleigh-Taylor instabilities are likely to wrinkle this boundary. In addition,
clumpiness of the ejecta and/or CSM/ISM are also likely to blur the distinction between
hot ejecta and CSM/ISM.
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Figure 11.9:
fig:casa_tycho_kepler_filaments
Three young supernova remnants as observed by the Chandra X-ray

Observatory, all with the 4-6 keV synchrotron dominated band assigned to the blue
channel. From left to right: Cas A, Kepler’s SNR, and Tycho’s SNR. As can be seen the
narrow (⇠100) synchrotron emitting regions are confined to the forward shock regions
in Tycho’s and Kepler’s supernova remnants, whereas for Cas A in addition there also
filaments in the interior, mostly concentrated toward the Western part of the remnant.

magnetic field, so unless Vsh > 5000 km s�1 and/or Rsh < 5 pc the X-ray synchrotron
spectrum is limited by losses.

In addition one invoke that, in the case of an age-limited electron population, the
acceleration time scale is smaller than the synchrotron time scale. But this bring us
back to (10.49), except that we should replace the ”⇡”-sign with a smaller-than sign
(<). The latter implies that no-matter whether the electron population is age- or loss-
limited, the implication of X-ray synchrotron radiation is always h ⇠ 1. However,
h ⇠ 1 corresponds to a very turbulent magnetic field, which likely requires that cosmic-
ray streaming has actively transformed the magnetic-field of the ambient medium, and
evenly more plausibly has amplified it. This is at odds with the low magnetic field
strengths implied by (11.20) for loss-limited X-ray synchrotron spectra, except perhaps
for a rather compact and rapidly expanding young supernova remnant like G1.9+0.3.

11.2.2 Probing magnetic field strength with the widths of X-ray
synchrotron filaments

{sec:xray_width_theory}
The Japanese ASCA satellite was first in opening up the sky to X-ray imaging spec-
troscopy, but had a relatively poor angular resolution of ⇠ 10. However, the next genera-
tion of large X-ray telescope ESA’s XMM-Newton satellite and, in particular, NASA’s
Chandra X-ray Observatory, dramatically improved the angular resolution of X-ray
imaging spectroscopy. Chandra’s resolution of ⇡ 0.500 rivals that of the Hubble Space
Telescope in the optical. The high spatial resolution of Chandra revealed that not even
young supernova remnants like Cas A, Kepler’s SNR, and Tycho’s SNR, whose X-ray
spectra are dominated by line emission, have filaments at the shock front, which are
dominated by continuum emission [157, 187]. The featureless spectra of these fila-
ments were similar to the X-ray spectra from the caps in SN 1006 and quickly accepted
to be caused by synchrotron radiation. However, for these young supernova remnants
the filaments were very narrow, as can be appreciated in Fig. 11.9. In fact, they can
only be resolved by Chandra, having widths of the order of 100.

Soon after the discovery of these filaments it was realised that their narrow widths
implies relatively high magnetic-field strength [357, 53, 48, 363]. The simplest way

t=0 t=340 yr

•A supernova explosion generates 1051 erg of explosion energy (1053 erg in neutrinos) 
•Energy contained in fast “cold” ejecta, colliding with circumstellar/interstellar matter 
•A forward shock develops and a reverse shock into supernova material 

•A supernova remnant shell forms 
•Unshocked ejecta inside 

•Shock velocity starts at 20,000 km/s, after few 100 yr it is ～5000 km/s 
•Shock velocity <200 km/s: soft X-ray/UV line emission ⇒ radiative losses 

•Supernova remnant dissappears when vsh≲30 km/s (2x104 - 105 yr?)



The remainder of this talk:  
Something old, something new, something borrowed,…
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Figure 11.9:
fig:casa_tycho_kepler_filaments
Three young supernova remnants as observed by the Chandra X-ray

Observatory, all with the 4-6 keV synchrotron dominated band assigned to the blue
channel. From left to right: Cas A, Kepler’s SNR, and Tycho’s SNR. As can be seen the
narrow (⇠100) synchrotron emitting regions are confined to the forward shock regions
in Tycho’s and Kepler’s supernova remnants, whereas for Cas A in addition there also
filaments in the interior, mostly concentrated toward the Western part of the remnant.

magnetic field, so unless Vsh > 5000 km s�1 and/or Rsh < 5 pc the X-ray synchrotron
spectrum is limited by losses.

In addition one invoke that, in the case of an age-limited electron population, the
acceleration time scale is smaller than the synchrotron time scale. But this bring us
back to (10.49), except that we should replace the ”⇡”-sign with a smaller-than sign
(<). The latter implies that no-matter whether the electron population is age- or loss-
limited, the implication of X-ray synchrotron radiation is always h ⇠ 1. However,
h ⇠ 1 corresponds to a very turbulent magnetic field, which likely requires that cosmic-
ray streaming has actively transformed the magnetic-field of the ambient medium, and
evenly more plausibly has amplified it. This is at odds with the low magnetic field
strengths implied by (11.20) for loss-limited X-ray synchrotron spectra, except perhaps
for a rather compact and rapidly expanding young supernova remnant like G1.9+0.3.

11.2.2 Probing magnetic field strength with the widths of X-ray
synchrotron filaments

{sec:xray_width_theory}
The Japanese ASCA satellite was first in opening up the sky to X-ray imaging spec-
troscopy, but had a relatively poor angular resolution of ⇠ 10. However, the next genera-
tion of large X-ray telescope ESA’s XMM-Newton satellite and, in particular, NASA’s
Chandra X-ray Observatory, dramatically improved the angular resolution of X-ray
imaging spectroscopy. Chandra’s resolution of ⇡ 0.500 rivals that of the Hubble Space
Telescope in the optical. The high spatial resolution of Chandra revealed that not even
young supernova remnants like Cas A, Kepler’s SNR, and Tycho’s SNR, whose X-ray
spectra are dominated by line emission, have filaments at the shock front, which are
dominated by continuum emission [157, 187]. The featureless spectra of these fila-
ments were similar to the X-ray spectra from the caps in SN 1006 and quickly accepted
to be caused by synchrotron radiation. However, for these young supernova remnants
the filaments were very narrow, as can be appreciated in Fig. 11.9. In fact, they can
only be resolved by Chandra, having widths of the order of 100.

Soon after the discovery of these filaments it was realised that their narrow widths
implies relatively high magnetic-field strength [357, 53, 48, 363]. The simplest way

H.E.S.S. Collaboration: Observations of RX J1713.7�3946

Fig. 1: H.E.S.S. gamma-ray excess count images of RX J1713.7�3946, corrected for the reconstruction acceptance. On the left, the
image is made from all events above the analysis energy threshold of 250 GeV. On the right, an additional energy requirement of
E > 2 TeV is applied to improve the angular resolution. Both images are smoothed with a two-dimensional Gaussian of width 0.03�,
i.e. smaller than the 68% containment radius of the PSF of the two images (0.048� and 0.036�, respectively). The PSFs are indicated
by the white circles in the bottom left corner of the images. The linear colour scale is in units of excess counts per area, integrated
in a circle of radius 0.03�, and adapted to the width of the Gaussian function used for the image smoothing.

paigns are given in Table 1. Only observations passing data qual-
ity selection criteria are used, guaranteeing optimal atmospheric
conditions and correct camera and telescope tracking behaviour.
This procedure yields a total dead-time corrected exposure time
of 164 hours for the source morphology studies. For the spectral
studies of the SNR, a smaller data set of 116 hours is used as
explained below.

The data analysis is performed with an air-shower template
technique (de Naurois & Rolland 2009), which is called the pri-
mary analysis chain below. This reconstruction method is based
on simulated gamma-ray image templates that are fit to the mea-
sured images to derive the gamma-ray properties. Goodness-of-
fit selection criteria are applied to reject background events that
are not likely to be from gamma rays. All results shown here
were cross-checked using an independent calibration and data
analysis chain (Ohm et al. 2009; Parsons & Hinton 2014).

3. Morphology studies

The new H.E.S.S. image of RX J1713.7�3946 is shown in Fig. 1:
on the left, the complete data set above an energy threshold of
250 GeV (about 31,000 gamma-ray excess events from the SNR
region) and, on the right, only data above energies of 2 TeV.
For both images an analysis optimised for angular resolution
is used (the hires analysis in de Naurois & Rolland 2009) for
the reconstruction of the gamma-ray directions, placing tighter
constraints on the quality of the reconstructed event geometry at
the expense of gamma-ray e�ciency. This increased energy re-
quirement (E > 2 TeV) leads to a superior angular resolution
of 0.036� (68% containment radius of the point-spread func-
tion; PSF) compared to 0.048� for the complete data set with
E > 250 GeV. These PSF radii are obtained from simulations
of the H.E.S.S. PSF for this data set, where the PSF is broad-
ened by 20% to account for systematic di↵erences found in
comparisons of simulations with data for extragalactic point-like

sources such as PKS 2155–304 (Abramowski et al. 2010). This
broadening is carried out by smoothing the PSF with a Gaussian
such that the 68% containment radius increases by 20%. To in-
vestigate the morphology of the SNR, a gamma-ray excess im-
age is produced employing the ring background model (Berge
et al. 2007), excluding all known gamma-ray emitting source
regions found in the latest H.E.S.S. Galactic Plane Survey cata-
logue (H.E.S.S. Collaboration et al. 2016b) from the background
ring.

The overall good correlation between the gamma-ray and X-
ray image of RX J1713.7�3946, which was previously found
by H.E.S.S. (Aharonian et al. 2006b), is again clearly visi-
ble in Fig. 2 (top left) from the hard X-ray contours (XMM-

Newton data, 1–10 keV, described further below) overlaid on
the H.E.S.S. gamma-ray excess image. For a quantitative com-
parison that also allows us to determine the radial extent of the
SNR shell both in gamma rays and X-rays, radial profiles are
extracted from five regions across the SNR as indicated in the
top left plot in Fig. 2. To determine the optimum central posi-
tion for such profiles, a three-dimensional spherical shell model,
matched to the morphology of RX J1713.7�3946, is fit to the
H.E.S.S. image. This toy model of a thick shell fits five parame-
ters to the data as follows: the normalisation, the x and y coordi-
nates of the centre, and the inner and outer radius of the thick
shell. The resulting centre point is R.A.: 17h13m25.2s, Dec.:
�39d46m15.6s. As seen from the figure, regions 1 and 2 cover
the fainter parts of RX J1713.7�3946, while regions 3 and 4 con-
tain the brightest parts of the SNR shell, closer to the Galactic
plane, including the prominent X-ray hotspots and the densest
molecular clouds (Maxted et al. 2013; Fukui et al. 2012). Region
5 covers the direction along the Galactic plane to the north of
RX J1713.7�3946.

3



Cassiopeia A
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Figure 11.9:
fig:casa_tycho_kepler_filaments
Three young supernova remnants as observed by the Chandra X-ray

Observatory, all with the 4-6 keV synchrotron dominated band assigned to the blue
channel. From left to right: Cas A, Kepler’s SNR, and Tycho’s SNR. As can be seen the
narrow (⇠100) synchrotron emitting regions are confined to the forward shock regions
in Tycho’s and Kepler’s supernova remnants, whereas for Cas A in addition there also
filaments in the interior, mostly concentrated toward the Western part of the remnant.

magnetic field, so unless Vsh > 5000 km s�1 and/or Rsh < 5 pc the X-ray synchrotron
spectrum is limited by losses.

In addition one invoke that, in the case of an age-limited electron population, the
acceleration time scale is smaller than the synchrotron time scale. But this bring us
back to (10.49), except that we should replace the ”⇡”-sign with a smaller-than sign
(<). The latter implies that no-matter whether the electron population is age- or loss-
limited, the implication of X-ray synchrotron radiation is always h ⇠ 1. However,
h ⇠ 1 corresponds to a very turbulent magnetic field, which likely requires that cosmic-
ray streaming has actively transformed the magnetic-field of the ambient medium, and
evenly more plausibly has amplified it. This is at odds with the low magnetic field
strengths implied by (11.20) for loss-limited X-ray synchrotron spectra, except perhaps
for a rather compact and rapidly expanding young supernova remnant like G1.9+0.3.

11.2.2 Probing magnetic field strength with the widths of X-ray
synchrotron filaments

{sec:xray_width_theory}
The Japanese ASCA satellite was first in opening up the sky to X-ray imaging spec-
troscopy, but had a relatively poor angular resolution of ⇠ 10. However, the next genera-
tion of large X-ray telescope ESA’s XMM-Newton satellite and, in particular, NASA’s
Chandra X-ray Observatory, dramatically improved the angular resolution of X-ray
imaging spectroscopy. Chandra’s resolution of ⇡ 0.500 rivals that of the Hubble Space
Telescope in the optical. The high spatial resolution of Chandra revealed that not even
young supernova remnants like Cas A, Kepler’s SNR, and Tycho’s SNR, whose X-ray
spectra are dominated by line emission, have filaments at the shock front, which are
dominated by continuum emission [157, 187]. The featureless spectra of these fila-
ments were similar to the X-ray spectra from the caps in SN 1006 and quickly accepted
to be caused by synchrotron radiation. However, for these young supernova remnants
the filaments were very narrow, as can be appreciated in Fig. 11.9. In fact, they can
only be resolved by Chandra, having widths of the order of 100.

Soon after the discovery of these filaments it was realised that their narrow widths
implies relatively high magnetic-field strength [357, 53, 48, 363]. The simplest way

38CHAPTER 2. SUPERNOVA REMNANTS AND COSMIC RAYS: OBSERVATIONS

Figure 2.1: Left: VLA radio map of Cas A at 6 cm. Right: The polarised intensity
map (

p
Q2 +U2) at 6 cm. (Both maps: courtesy of Tracy Delaney).

obvious link to cosmic-ray acceleration theory (§ 1.2.1), the energy in relativistic elec-
trons and, through polarisation measurements, the magnetic-field topology. All these
aspects we will describe below.

The limitations of radio emission to study the acceleration of cosmic rays by super-
nova remnants is that it allows only the study of relativistic electrons, whereas cosmic
rays consist for more than 99% of atomic nuclei (§ 1.1.2). Since the relation of syn-
chrotron frequency to electron energy is n ⇡ 4.7⇥108(B/100µG)E2

GeV Hz (??), radio
synchrotron emission informs us of electrons with energies around 109 eV, whereas we
would like to learn more about the maximum energy particles can be accelerated to,
which we expect to be in the 1013 eV to > 1015 eV range.

2.1.1 The radio spectral index distribution
The radio spectral index of shell-type supernova remnants, i.e. those supernova rem-
nants without a dominant pulsar win nebula component, is on average a = 0.5 (defined
as S(n) µ n�a ); see Fig. 2.2. As explained in § ?? a = 0.5 corresponds to an electron
number index of q= 2 (i.e. n(E)µ E

�q). The average radio spectral index is, therefore,
close to that predicted by the theory of diffusive shock acceleration (§ ??).

The average radio spectral index of 0.5 is what sets most supernova remnants apart
from other radio sources. In the Galaxy most extended sources are HII regions, which
emit free-free radiation (§ ??), which are characterised by a spectrum of a = 0.1, or
even inverted (a < 0) if they are optically thick. pulsar wind nebulae have also flatter
spectra than supernova remnants, with typically a ⇡ 0.2� 0.3. It is these different
spectral slopes that are often used to discover new supernova remnants in radio surveys
[e.g. 81].

However, the spread around a = 0.5 is quite large. Part of that spread is due to
measurements errors, as radio synthesis telescopes cannot always reliably measure the
total radio flux of extended objects, and for not all supernova remnants the index has
been determined with as much care as needed. Nevertheless, from those supernova
remnants with reliable spectral index measurements it is clear that the variation in a
is real. In particular it is striking that young supernova remnants tend to have steeper
spectra (a > 0.5). For example, SN 1006 has a = 0.6 [38], Tycho’s SNR/SN 1572 has
a = 0.65 [164], Kepler’s SNR/SN 1604 has a = 0.71 [98], and Cas A has a = 0.77

•340 yr old, r=2.6 pc 
•Light echo: SN IIb similor to SN 1993J 
•Evolving in dense He/N-rich material: RSG wind? 
•Brightest radio source: 2300 Jy @ 1 GHz: electron- rich/high B-field? 
•Vsh=5000 km/s 
•Exp. Par m=0.66



X-ray synchrotron emission
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Figure 11.9:
fig:casa_tycho_kepler_filaments
Three young supernova remnants as observed by the Chandra X-ray

Observatory, all with the 4-6 keV synchrotron dominated band assigned to the blue
channel. From left to right: Cas A, Kepler’s SNR, and Tycho’s SNR. As can be seen the
narrow (⇠100) synchrotron emitting regions are confined to the forward shock regions
in Tycho’s and Kepler’s supernova remnants, whereas for Cas A in addition there also
filaments in the interior, mostly concentrated toward the Western part of the remnant.

magnetic field, so unless Vsh > 5000 km s�1 and/or Rsh < 5 pc the X-ray synchrotron
spectrum is limited by losses.

In addition one invoke that, in the case of an age-limited electron population, the
acceleration time scale is smaller than the synchrotron time scale. But this bring us
back to (10.49), except that we should replace the ”⇡”-sign with a smaller-than sign
(<). The latter implies that no-matter whether the electron population is age- or loss-
limited, the implication of X-ray synchrotron radiation is always h ⇠ 1. However,
h ⇠ 1 corresponds to a very turbulent magnetic field, which likely requires that cosmic-
ray streaming has actively transformed the magnetic-field of the ambient medium, and
evenly more plausibly has amplified it. This is at odds with the low magnetic field
strengths implied by (11.20) for loss-limited X-ray synchrotron spectra, except perhaps
for a rather compact and rapidly expanding young supernova remnant like G1.9+0.3.

11.2.2 Probing magnetic field strength with the widths of X-ray
synchrotron filaments

{sec:xray_width_theory}
The Japanese ASCA satellite was first in opening up the sky to X-ray imaging spec-
troscopy, but had a relatively poor angular resolution of ⇠ 10. However, the next genera-
tion of large X-ray telescope ESA’s XMM-Newton satellite and, in particular, NASA’s
Chandra X-ray Observatory, dramatically improved the angular resolution of X-ray
imaging spectroscopy. Chandra’s resolution of ⇡ 0.500 rivals that of the Hubble Space
Telescope in the optical. The high spatial resolution of Chandra revealed that not even
young supernova remnants like Cas A, Kepler’s SNR, and Tycho’s SNR, whose X-ray
spectra are dominated by line emission, have filaments at the shock front, which are
dominated by continuum emission [157, 187]. The featureless spectra of these fila-
ments were similar to the X-ray spectra from the caps in SN 1006 and quickly accepted
to be caused by synchrotron radiation. However, for these young supernova remnants
the filaments were very narrow, as can be appreciated in Fig. 11.9. In fact, they can
only be resolved by Chandra, having widths of the order of 100.

Soon after the discovery of these filaments it was realised that their narrow widths
implies relatively high magnetic-field strength [357, 53, 48, 363]. The simplest way

Vink&Laming ‘03
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In the shocked medium the magnetic field strength will be larger than in the unshocked
medium, B2 = cBB1, whereas the time spent in the unshocked regions scales with
D1/v1 and D2/v2 = (cD1)/(cBv1). The average energy loss rate is therefore

⌧
dE
dt

�

syn
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B2
1E2

634
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⌘ erg s�1. (10.47)

Equating this with the acceleration rate (10.35) gives
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Note that we do not care so much here about the energy dependence of the diffusion
coefficient (as long as d < 1), as we are using here energy gain rates at a specific energy,
and all the diffusion dependencies are conveyed by B2 and h , the latter being specific
for a certain energy/gyroradius scale.

The reason for giving the maximum energy as a function of the downstream mag-
netic field, rather than upstream field, is that synchrotron radiation is strongly enhanced
in the shocked region, because of the stronger magnetic field. This is, therefore, the
region from which synchrotron radiation is usually detected. A value of B2 = 100 µG
is typical for what has been inferred from observations of young supernova remnants
(see § ??). Interestingly, if synchrotron radiation losses limit the maximum energy of
the electrons, then the higher the magnetic field, the lower the maximum energy is
(Emax µ B�1). This is in contrast to the maximum energy for atomic nuclei for which
Emax µ B, see (10.38).

The typical photon energy for synchrotron radiation is (10.48)

hn = 19
✓

E
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◆2✓ B?
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◆
keV.

Inserting this in (10.48) shows that

hnmax ⇡ 3h�1
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Vsh

5000 kms�1
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0
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3/17

1

A keV. (10.49){eq:hnu_max}

Remarkably this photon energy does not depend on the magnetic field as first shown in
[19].

Apart from synchrotron losses also inverse Compton scattering and/or bremsstrah-
lung losses may play a role in limiting the maximum energy. Inverse Compton scatter-
ing is usually included by incorporating it in magnetic field using the effective magnetic
field (B2

eff ⌘ B2 +8pUrad), where Urad is the radiation field energy density, which pro-
vides the seed photons for upscattering. However, one has to be careful here: Inverse
Compton scattering is a discrete process. For an electron the average time between
collisions is

tIC =
1

nphotsTc
, (10.50)

•Implies highly turbulent B-field: 
     η=1: Bohm diffusion (Aharonian&Atoyan 99) 
•Very thin filaments (“/1E17cm): high B-field B≈200 μG

B2 ⇡ 26
⇣ ladv

1.0⇥ 1018cm

⌘�2/3
⌘1/3

⇣
�4 �

1
4

⌘�1/3
µG

•Higher B: knee within reach? 
•Hillas criterion: E=4x1015 eV!



Evidence for magnetic field amplification
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Tycho’s SNR/SN1572

Chandra

•X-ray synchrotron from all young SNRs 
•B-fields above compressed ISM 
•Higher B-field for higher densities: have smaller radii 

•Evidence that B2 ∝ ρVs3 (or ρVs2): agrees with Bell 2004! 
 

Vink 2008

See also Berezhko, Völk, Bamba, Ballet, Helder etc



Acceleration @ Cas A reverse shock
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•Spectral index: 2 regions of hard emission: X-ray synchrotron emission 
•Deprojection: Most X-ray synchrotron from reverse shock! 
•Does not trace total rev shock: only Western part (Arias, Vink+ ‘18) 
•Rev. Shock west at standstill: ejecta plunge into it with >6000 km/s 
•Reverse shock: metal-rich → more electrons → bright radio

Deprojection

Γ= -3.2

B-field amplification is not very 
sensitive to initial B-field!

Helder&Vink ‘08

4-6keV

Arias, Vink ‘18 (LOFAR)



Recent MAGIC results
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•Cas A checks right boxes for efficient accelerator: 
•Steep spectrum -> non linear acceleration 
•High B-field: substantial cosmic ray streaming, proton acc. to high E 
•Pion bump 

•But MAGIC finds: Ecut=10 TeV, 0.3% lower than the knee! 
•Fermi finds efficiency <5% 

•WTF! 
•Causes? 

- composition: can reduce gamma efficiency by factor 20! 
- spectrum dominated by plateau, shell higher cut off?



The bright mysterious  RX J1713
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Abdo+ ‘11 

H.E.S.S. Coll + ‘18 

• H.E.S.S. archetypal SNR 
•Brightest TeV SNR 
•Fermi+H.E.S.S.: hard IC-like spectrum 
•New obsevations + new analysis: 

•Better PSF 
•164 hr of observation time 



Under assumption of leptonic emission: B map
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H.E.S.S. Collaboration: Observations of RX J1713.7�3946

Fig. 7: Spatial distribution of physical best-fit parameters across the SNR, overlaid on the H.E.S.S. gamma-ray significance contours
at 3, 5, 7, and 9� in black, red, orange, and green. For the leptonic model, colour codes are shown for the magnetic field strength (top
left), exponential cut-o↵ energies (top right), and particle indices (bottom left). For the hadronic models, only the particle indices
(bottom right) are relevant and shown here. The 29 subregions labelled with grey numbers are boxes of side lengths 0.18� or 10.8
arcminutes. To judge whether the di↵erences region to region are significant, the statistical uncertainties listed in Table 6 and 7 have
to be taken into account, and ultimately the H.E.S.S. systematic measurement uncertainties discussed above as well. When doing
this, the spectral indices show no variation across the SNR in either scenario.

Explaining this spectral shape is thus a challenge for the leptonic
scenario, which is discussed further in Sect. 6.1. Figure 7 (bot-
tom left) shows that the spatial distribution of the electron index
is not entirely uniform, even when taking the statistical uncer-
tainties given in Table 6 into account the indices in the brighter
western part of the shell tend to be larger. Such a trend is also
seen in the distribution of the high-energy exponential cut-o↵ en-
ergy (in the range 50–200 TeV) and the average magnetic field
strength (in the range 8–20 µG) shown in the same figure. The
western half of the remnant shows higher values of the mag-
netic field strength and lower values of the cut-o↵ with the op-
posite behaviour seen in the eastern half (see top left and right
of Fig. 7). In a synchrotron-loss-limited acceleration scenario,
the maximum energy achievable at a given shock is proportional

to B
�1/2, so that the anti-correlation between cut-o↵ energy and

magnetic field strength is to be expected.

In a hadronic scenario we only consider radiation from pri-
mary protons without considering secondary X-ray emission
from charged pions produced in interactions of protons with am-
bient matter (Aharonian 2013a). Using only the H.E.S.S. spec-
tra, we find that the proton cut-o↵ energy is not constrained for
many of the regions. We therefore fix the cut-o↵ energy when fit-
ting the subregions spectrum to the value found for the full SNR
spectrum: Ec = 93 TeV. Under this assumption, all the regions
are well fit by a neutral pion decay spectrum with the parameters
shown in Table 7. The proton particle indices for all the regions
cover a range between 1.60 and 2.14 as shown in Fig. 7 (bot-
tom right) and listed in Table 7. As already found above for the
gamma-ray spectral fits (Sect. 4.2), the maximum di↵erence be-
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• 5-20 μG fields 
•Largely consistent with loss limited Ec 
•Needs Bohm factors < 10



A deep H.E.S.S. observation of RX J1713 with 
improved angular resolution (HESS Coll. A&A 2018)
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H.E.S.S. Collaboration: Observations of RX J1713.7�3946

Fig. 2: Gamma-ray excess map and radial profiles. Top left: the H.E.S.S. gamma-ray count map (E > 250 GeV) is shown with
XMM-Newton X-ray contours (1–10 keV, smoothed with the H.E.S.S. PSF) overlaid. The five regions used to compare the gamma-
ray and X-ray data are indicated along with concentric circles (dashed grey lines) with radii of 0.2� to 0.8� and centred at R.A.:
17h13m25.2s, Dec.: �39d46m15.6s. The Galactic plane is also drawn. The other five panels show the radial profiles from these
regions. The profiles are extracted from the H.E.S.S. maps (black crosses) and from an XMM-Newton map convolved with the
H.E.S.S. PSF (red line). The relative normalisation between the H.E.S.S. and XMM-Newton profiles is chosen such that for regions
1, 2, 4 the integral in [0.3�, 0.7�] is the same, for regions 3, 5 in [0.2�, 0.7�]. The grey shaded area shows the combined statistical
and systematic uncertainty band of the radial gamma-ray extension, determined as described in the main text. The vertical dashed
red line is the radial X-ray extension. For the X-ray data, the statistical uncertainties are well below 1% and are not shown.
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H.E.S.S. Collaboration: Observations of RX J1713.7�3946

Fig. 2: Gamma-ray excess map and radial profiles. Top left: the H.E.S.S. gamma-ray count map (E > 250 GeV) is shown with
XMM-Newton X-ray contours (1–10 keV, smoothed with the H.E.S.S. PSF) overlaid. The five regions used to compare the gamma-
ray and X-ray data are indicated along with concentric circles (dashed grey lines) with radii of 0.2� to 0.8� and centred at R.A.:
17h13m25.2s, Dec.: �39d46m15.6s. The Galactic plane is also drawn. The other five panels show the radial profiles from these
regions. The profiles are extracted from the H.E.S.S. maps (black crosses) and from an XMM-Newton map convolved with the
H.E.S.S. PSF (red line). The relative normalisation between the H.E.S.S. and XMM-Newton profiles is chosen such that for regions
1, 2, 4 the integral in [0.3�, 0.7�] is the same, for regions 3, 5 in [0.2�, 0.7�]. The grey shaded area shows the combined statistical
and systematic uncertainty band of the radial gamma-ray extension, determined as described in the main text. The vertical dashed
red line is the radial X-ray extension. For the X-ray data, the statistical uncertainties are well below 1% and are not shown.
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•Assuming inverse Compton radiation: B=2-27 μG 
•Suprise: gamma-ray emission in front of X-ray defined shock!! 

•Diffusion length scale (ldiff≈D/v) 
•Work out expression: 

•Consistent with low B, or high η!

H.E.S.S. Collaboration: Observations of RX J1713.7�3946

ment, which is clearly beyond our scope here. We therefore re-
strict the discussion to some general considerations. We also em-
phasise here that the extent of gamma-ray emission from around
RX J1713.7�3946 varies considerably, which likely reflects dif-
ferent particle acceleration conditions around the shell.

The observations reveal the presence of gamma rays from
parsec scale regions of size �r upstream of the shock. If the
VHE gamma rays are from IC scattering of electrons, the spatial
distribution of the gamma-ray emission simply traces the distri-
bution of electrons (the target photon field density is not likely
to vary on such small scales). If the emission is due to neutral
pion decay, its morphology results from the convolution of the
spatial distributions of CR protons and interstellar medium gas.
In both cases, a rough estimate of the maximal extension of the
TeV emission outside of the SNR can be obtained by computing
the di↵usion length of multi-TeV particles ahead of the shock.

To do this, we use �r1/e listed in Tab. 2 as the typical extent
of the particle distribution upstream of the shock. In theoretical
assessments the di↵usion length scale is usually taken to be the
distance from the shock at which the particle density has dropped
to 1/e. Even though the physical di↵usion length scale is in ad-
dition subject to projection e↵ects, for our purpose of an order
of magnitude assessment we assume that the di↵erence in �r1/e
between X-rays and gamma rays is equivalent to the di↵usion
length scale. From Tab. 2, this angular di↵erence in regions 2, 3,
and 4 is �r ⌘ (�rgamma rays

1/e � �rX�rays
1/e ), and we therefore obtain

a maximum of �r = 0.05� for region 3, which corresponds to
0.87 d1 pc, where d1 is the distance to the SNR in units of 1 kpc.
In the precursor scenario, the di↵usion length scale is given by

`p ⇡
D(E)
ushock

. (4)

For the escape scenario the typical length scale over which the
particles di↵use is given by the di↵usion length scale

`e ⇡
p

2 D(E)�t . (5)

Here, ushock is the shock velocity, and �t is the escape time. D(E)
is the energy dependent di↵usion coe�cient, which we parame-
terise as

D(E) = ⌘(E)
1
3

cE

eB
. (6)

⌘ is the ratio between the mean free path of the particles and
their gyroradius. In general, ⌘ is an energy dependent parameter
that expresses the deviation from Bohm di↵usion, which itself
is thus defined as ⌘ = 1. Its value in regions associated with the
SNR should in any case be close to ⌘ = 1 for particle energies of
10-100 TeV in order to explain the fact that RX J1713.7�3946
is a source of X-synchrotron emission (see Aharonian & Atoyan
1999).

Assuming that the di↵usion length scale in both cases is
equal to the measured parameter �r we arrive at

B

⌘
⇡ 0.36

✓
E

10 TeV

◆  
ushock

3000 km s�1

!�1  
�r

pc

!�1

µG (7)

for the precursor scenario. For the escape scenario we should
take into account that the shock itself will also have displaced
during a time �t. So we have �r = `e � ushock�t. However, for
escape it holds that `e > ushock�t, since escape implies that dif-
fusion is more important than advection, and even more so since

during the time �t the shock slows down and hence ushock de-
creases. Dropping terms with u

2
shock�t

2/�r
2 we find that

B

⌘
⇡ 1.1

✓
E

10 TeV

◆  
�t

500 yr

!  
�r

pc

!�2 "
1 +

ushock�t

�r

#�1

µG, (8)

with B the magnetic field upstream of the shock and ⌘
again the mean free path of the particles in units of the
gyroradius. The factor in square brackets is . 1.5. For
the shock velocity of RX J1713.7�3946, an upper limit of
4500 km s�1 has been derived from Chandra data (Uchiyama
et al. 2007) and from Suzaku data the velocity is estimated to
be 3300⌘1/2 km s�1 (Tanaka et al. 2008). For particles in the
shock or shock precursor region, RX J1713.7�3946 therefore
operates at or close to the Bohm regime since the synchrotron
X-ray data require ⌘ = 1 � 1.8 for shock velocities of 3300–
4500 km s�1. Taking this into account, for ⌘ = 2, we obtain for
region 3: B = 0.8 µG in the precursor scenario. In the escape
scenario where the particles have left the shock region, ⌘ is not
constrained by the X-ray emission any more and in particular
it can be larger (⌘ > 1). We therefore derive in more general
terms B . ⌘ 2.8 µG in the escape scenario. In the standard DSA
paradigm, and in the absence of further magnetic field amplifi-
cation through turbulences (discussed for example in Giacalone
& Jokipii 2007), the expected magnetic field compression at the
shock would result in downstream magnetic fields a factor of
RB = 3� 4 higher than those upstream, that is, up to B = 3.2 µG
and B = ⌘ 11.2 µG for region 3 in the precursor and escape sce-
nario, respectively.

Whilst the escape scenario is compatible with our broadband
leptonic fits, in the precursor scenario the downstream magnetic
field value is lower than the values obtained with these fits (see
Fig. 7 and Tab. 6). In particular, B = 3.2 µG downstream is some-
what lower than expected in the DSA paradigm, unless we in-
voke a recent sudden increase of ⌘ to values well above 2 or a
decrease of ushock to well below 3300 km s�1 to recover higher
downstream magnetic field values. Such sudden changes must
occur on timescales smaller than the synchrotron radiation loss
time of the downstream electrons, since ⌘ . 5 is needed to ex-
plain X-ray synchrotron radiation from the shell in these regions
(Tanaka et al. 2008). We therefore require that the timescale
for substantial changes in the upstream di↵usion properties, �t,
must satisfy

⌧loss =
634
B2E

s > �t, (9)

with ⌧loss = |E/(dE/dt)| (Ginzburg & Syrovatskii 1965). The
typical X-ray synchrotron photon energy is given by ✏ =
7.4E

2
B keV (Ginzburg & Syrovatskii 1965), so that the condi-

tion for the presence of X-ray emission from the shell at 1 keV
for a given timescale �t is

B . 23
 
�t

500 yr

!�2/3

µG. (10)

This condition is fully consistent with the leptonic emission sce-
nario, but requires for the hadronic emission scenario timescales
shorter than �t = 500 yr.

To summarise, the significant extension of the gamma-ray
emission beyond the X-ray defined shock in some regions of
RX J1713.7�3946 requires either low magnetic fields or di↵u-
sion length scales much larger than for Bohm di↵usion, irrespec-
tive of whether the gamma rays are from particles originating in
the shock precursor or escaping the remnant di↵usively. In both
cases, the length scales are in fact governed by di↵usion.

17



Escape or precursor?

 19

H.E.S.S. Collaboration: Observations of RX J1713.7�3946

Fig. 2: Gamma-ray excess map and radial profiles. Top left: the H.E.S.S. gamma-ray count map (E > 250 GeV) is shown with
XMM-Newton X-ray contours (1–10 keV, smoothed with the H.E.S.S. PSF) overlaid. The five regions used to compare the gamma-
ray and X-ray data are indicated along with concentric circles (dashed grey lines) with radii of 0.2� to 0.8� and centred at R.A.:
17h13m25.2s, Dec.: �39d46m15.6s. The Galactic plane is also drawn. The other five panels show the radial profiles from these
regions. The profiles are extracted from the H.E.S.S. maps (black crosses) and from an XMM-Newton map convolved with the
H.E.S.S. PSF (red line). The relative normalisation between the H.E.S.S. and XMM-Newton profiles is chosen such that for regions
1, 2, 4 the integral in [0.3�, 0.7�] is the same, for regions 3, 5 in [0.2�, 0.7�]. The grey shaded area shows the combined statistical
and systematic uncertainty band of the radial gamma-ray extension, determined as described in the main text. The vertical dashed
red line is the radial X-ray extension. For the X-ray data, the statistical uncertainties are well below 1% and are not shown.
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•Escape: low chance of returning to shock 
•Clue: ldiff/Rsh order 13% 
•Use self similor evolution: 

(m=0.4: Sedov)

•Using expressions acc. time/diff length 

•Consistent with escape 
•But: systematic uncertainties, so no firm conclusion 
•What could cause escape? 

•Sudden drop in velocity due to density gradient 
•Loss of B-field turbulence



When do particles escape?
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•Assume: particles escape when diffusion length becomes too large:

•Combine with:

•Result:

•Consequences: 
•Young age, m>0.5: E rises as function of age! 
•Sedov, m<0.5: SNR cannot hold on to high E particles! 
•B decreases with time: escape also for young SNRs!



Shells versus SNR/molecular clouds
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•Clear distinction in slopes “shells” vs “SNR/mol. cloud” 
•Most cases steepening GeV to TeV: losses and cuts 
•Exceptions: e.g. W28 (escape?) 



The superbubble 30 Dor C in X-rays
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P. J. Kavanagh et al.: XMM-Newton study of 30 Dor C
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Fig. 1. Le f t: Combined XMM-Newton EPIC image of 30 Dor C in false colour with red, green, and blue corresponding to 0.3–1 keV,
1–2 keV, and 2–7 keV. Also shown is the region to the north of 30 Dor C which highlights the highly variable background in the
region. The image has been exposure corrected in each energy band and have the QPB subtracted, and binned into 2x2 pixel bins
before being adaptively smoothed using the XMM-ESAS task adapt-2000. The position of Source 6, which is discussed as a
possible compact object in Section 4.2.1, is also marked. Right: Same as Le f t but with the spectral analysis regions indicated. See
Section 3.3.1 for a description of the regions.

2003) has observed 30 Dor C twice during observations of
the nearby SN 1987A. These are ObsID 1044 (⇠ 18 ks, PI:
G. Garmire) and ObsID 1967 (⇠ 99 ks, PI: R. McCray). For a
detailed analysis of these observations with respect to 30 Dor C
the reader is directed to BU04. We reduced and analysed the
Chandra observations using the CIAO v4.6.1 software package
(Fruscione et al. 2006) with CALDB v4.5.96. Each data set was
reduced using the contributed script chandra repro. Combined
energy filtered and exposure corrected images were produced us-
ing the merge obs script.

3. Analysis

3.1. X-ray morphology

The well-known non-thermal shell is seen in unprecedented de-
tail (Fig. 1), with structure visible in regions of stronger emis-
sion. In the S-SE region there is an obvious circular emission
region, most notable in the 1 � 2 keV energy range. The mor-
phology and classification of this object is discussed in detail in
Section 3.2. In addition, the X-ray background is not uniform,
with a very obvious dichotomy between the east and west re-
gions of 30 Dor C. The eastern side is projected against large
scale hot ISM emission. This emission is much less apparent on
the western side, most likely due to the known molecular clouds
located in the foreground (Johansson et al. 1998, BU04). Due
to the background variation, we must, as much as possible, take
this into account when treating the background in the spectral
analysis of 30 Dor C.

6 Both available at http://cxc.harvard.edu/ciao/

3.2. MCSNR J0536�6913

An additional extended X-ray emitting object is evident as a cir-
cular shell in the 1 � 2 keV band, projected against the southern
30 Dor C shell (see region A1 in Fig. 1 right). Object classes
that can produce di↵use X-ray structures in extragalactic obser-
vations are galaxy clusters, SBs, and SNRs (see Maggi et al.
2014, for a more detailed description of the X-ray properties of
these objects). We ruled out the possibility that this object is hot
gas in the intracluster medium of a background galaxy cluster
since the observed shell morphology of the object is not in keep-
ing with that expected from the hot gas of a galaxy cluster, which
is centrally filled. It is also unlikely that this structure is an SB,
since these require a high mass stellar population to drive their
expansion, which is absent here. An SNR is a far more likely ex-
planation given the shell morphology. Hence, we proceed with
the assumption that the object is an SNR, and assess other tracers
of this object classification.

Typically, objects are classified as SNRs based on satisfy-
ing certain observational criteria. For example, the Magellanic
Cloud Supernova Remnant (MCSNR) Database7 state that at
least two of the following three observational criteria must be
met: significant H↵, [S ii], and/or [O iii] line emission with an
[S ii]/H↵ flux ratio > 0.4 (Mathewson & Clarke 1973; Fesen
et al. 1985); extended non-thermal radio emission; and extended
thermal X-ray emission. A discussion on the significance of each
of these classification criteria is given in Filipovic et al. (1998).
The new candidate SNR satisfies only one of these three crite-
ria, since Mathewson et al. (1985) found that [S ii]/H↵ < 0.4

7 http://www.mcsnr.org/about.aspx
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Bamba+ ’04, Kavanagh+ ‘15

•Doradus region: starburst conditions 
•30 Dor C: partially X-ray synchrotron emission

30Dor C

N157B

Tarantula Nebula

SNR/PWN B0540-69 

SN1987A
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H.E.S.S., preliminary

•hadronic scenario 
•energy in protons  
•Wpp = (0.7 – 25) x 1052 (nH /cm-3)-1 erg 
•even for 5 supernova explosions high density needed: nH > 20 cm-3 
•thermal X-rays indicate low density: nH ∼0.4 cm-3  

Bamba+ 04, Kavanagh+ ‘14 
•leptonic scenario 

•magnetic field:	  ∼15 μG 
•4 x 1048 erg in electrons 
•+ X-ray synchrotron: high shock velocity ⇒ low interior density 10-4-10-3cm-3 

•X-ray synchrotron from last SNR expanding in rarified medium

HESS col., Science, ’15 



New: X-ray B-field determination 30 Dor C with Chandra 
(Kavanagh, JV+ 2018)
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Patrick J. Kavanagh et al.: Magnetic field estimates in 30 Dor C

Fig. 4. Illustration of projected and convolved volumetric emissivity profiles fitted to the segment profiles. Top-row: Postshock volumetric emis-
sivity profile with radius R (dotted lines) in Eq. 3 (left), projected emissivity profile using Eq. 2 (middle), and convolved with the PSF (right).
Bottom-row: Same as top but for the projected ‘cap’ model in Eq. 4. The same postshock volumetric emissivity profile is used (left). The projected
emissivity profile is modified to fall to a fitted background value b (dash-dot lines) below r f which is a fraction rc of the shell radius R, r < r f = rcR
(middle, dashed lines). This was then convolved with the PSF (right).

ahead of the main filament, which could be a faster part of the
shell seen in projection.
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Fig. 5. Segments for profile fitting overlaid on the 1.5–8 keV exposure
corrected image. The image has been smoothed using a 3� Gaussian
kernel.

4. Discussion

4.1. Multi-wavelength morphology

The new Chandra, MCELS2 H↵, and 6 cm radio continuum im-
ages provide us with the sharpest view of the brightest regions of
the shell of 30 Dor C to date. In Fig. 8 we show three-colour im-
ages comprising 24 µm, H↵ and 1.5–8 keV for RGB, for the
northeast (NE, top-left), northwest (NW, top-right), southeast
(SE, bottom-left), and southwest (SW, bottom-right). The 24 µm
is included to highlight colder material in and around the shell.
Interestingly, comparing the X-ray and H↵ emission in the NE,
NW, and SE suggests that the X-ray and H↵ shells are not corre-
lated, as was suggested by KS15 using poorer resolution XMM-
Newton and MCELS data. Rather, the synchrotron X-rays fill
gaps in the H↵ shell in some regions (NE, NW) and are located
ahead of the H↵ shell in others (NW, SE). There are notable mor-
phological consistencies in the NE and NW regions in particular
with bright X-ray filaments delineating the edges of filaments in
the H↵ shell, further highlighted in Fig. 9. There is also little
correlation between the colder material revealed in 24 µm and
the synchrotron X-ray shell. Rather, the X-rays appear brighter
in regions with comparatively lower levels of infrared emission.

We show the high spatial resolution 6 cm radio continuum
image along with the 24 µm and MCELS2 H↵ in an RGB image
in Fig. 10. The radio continuum data bear a striking similarity
to the H↵ emission, particularly along the filaments of the NW
shell. Indeed, the only deviation along the brightest filament is
in regions where foreground dust, revealed by the 24 µm emis-
sion, absorbs the H↵ emission. Therefore, the radio continuum
must be thermal in origin and have little or no relation to the
expanding X-ray synchrotron shell, also seen in other LMC su-
perbubbles such as LHA 120-N 70 (De Horta et al. 2014).

As discussed in Sect. 3.1, the expansion velocity of the
H↵ shell is < 100 km s�1, much less than the expansion ve-
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B2 = 19.3 (7.0–25.4)  μG B2 = 7.8 (3.7–14.7)  μG

B2 = 13.0  μG

B2 = 4.1  μG

B2 = 4.9 (2.7–6.2)  μG B2 = 2.6 (2.5–5.5)  μG

B2 = 12.7 (4.5–28.6)  μG B2 = 8.1 (4.5–41.6)  μG
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B2 = 10.5 (5.1–41.6)  μG

Fig. 6. Radial profiles from sectors around 30 Dor C fitted with the postshock model described in Eq. 3. The best fit results are given in Table 2,
with the determined B-fields indicated in the panels.

locity of the interior SNR required to explain the synchrotron
X-rays (& 3000 km s�1, Zirakashvili & Aharonian 2007), as
seen, for example, in the prototypical synchrotron-dominated
SNR RX J1713.6-3946 (Acero et al. 2017b). The observed anti-
correlation of the X-ray and H↵ shells does suggest a resolution
to this expansion velocity conflict. It is possible that the SNR
responsible for the synchrotron X-ray shell has reached the H↵
shell and has stalled in some regions, but continues through gaps
in the H↵ shell in others, and explains why the H↵ shell is ex-
panding at a rate typical of SBs whereas the SNR shell main-
tains the & 3000 km s�1 necessary to produce X-ray synchrotron
emission. In addition, the bright 24 µm emission in the north, lo-
cated between the bright regions of the X-ray synchrotron shell
in the NE and NW (see Fig. 8, top-right), corresponds to a re-
gion of high radio polarisation (KS15, Fig. 7). This also supports
the scenario that the expanding shock has met and compressed
denser material in the north but continues to expand rapidly in
the NE and NW.

The anti-correlation between H↵ and X-ray synchrotron
emission is reminiscent of a similar anti-correlation in Tycho’s
SNR and RCW 86. For Tycho’s SNR the non-radiative H↵ fil-
aments are more concentrated on the eastern side, whereas the

synchrotron filaments are on the western side (Hwang et al.
2002). It has been speculated that this anti-correlation in caused
by the damping of Alfvén waves if the neutral fraction is too
high, which then leads to a suppression of turbulence necessary
for the fast particle acceleration that gives rise to X-ray syn-
chrotron emission. In RCW 86 a similar mechanism may also be
at work, but it is more likely that the anti-correlation is caused
by large velocity gradients along the shock wave (Vink et al.
2006; Helder et al. 2013). The contrast in velocity in RCW 86 is
very large, which has been attributed to the fact that this remnant
evolves in a wind-blown cavity (Vink et al. 2006; Williams et al.
2011; Broersen et al. 2014). In the SW of the remnant shock
velocities are lower than 500 km s�1, whereas in the NE, at the
location of X-ray synchrotron emission, the shock velocity has
recently been measured to be ⇠3000 km s�1 (Yamaguchi et al.
2016). In the same region there are patches of H↵ emission, but
these appear to be slower than the X-ray synchrotron filaments,
with a mean velocity ⇠ 1200 km s�1 (Helder et al. 2013).

The anti-correlation in 30 Dor C, with its measured velocity
contrasts, seems therefore to be a result of the same processes
as in RCW 86, but even more extremely so. If the X-ray syn-
chrotron filaments are the result of a single supernova explosion
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Table 2. Postshock model (see Eq. 3) fits and B-field estimates in 30 Dor C. The numbers in parentheses correspond to the 90% confidence
intervals of the fit parameters. Confidence intervals are only given for fits with �2

⌫ < 2.

Sector binning R lobs lobs/R �2
⌫ B2

(arcsec) (arcsec) (arcsec) (%) (µG)
S1 7 206.5 (204.5–212.7) 4.7 (1.2–9.6) 2.3 (0.6–4.7) 1.2017 10.5 (5.1–41.6)
S2 9 172.6 (172.6–178.5) 2.6 (1.9–7.0) 1.5 (1.1–4.1) 1.3611 19.3 (7.0–25.4)
S3 10 191.5 (190.6–198.0) 6.3 (3.3–13.3) 3.3 (1.7–7.0) 0.5915 7.9 (3.7–14.7)
S4 10 180.8 (180.0–182.6) 10.1 (7.9–18.5) 5.6 (4.3–10.2) 1.5115 4.9 (2.7–6.2)
S5 7 182.8 (175.9–183.7) 19.3 (9.0–20.1) 10.6 (4.9–11.4) 0.6916 2.6 (2.5–5.5)
S6 5 195.8 3.8 1.9 3.8125 13.0
S7 6 197.6 11.9 6.0 2.0725 4.1
S8 8 181.2 (180.3–188.3) 3.9 (1.7–10.9) 2.2 (0.9–6.0) 1.149 12.7 (4.5–28.6)
S9 8 180.3 (172.3–181.2) 6.1 (1.2–10.9) 3.4 (0.7–6.3) 1.519 8.1 (4.5–41.6)

Table 3. Cap model (see Eq. 4) fits and B-field estimates in 30 Dor C. The numbers in parentheses correspond to the 90% confidence intervals of
the fit parameters. Confidence intervals are only given for fits with �2

⌫ < 2.

Sector R lobs rc lobs/R �2
⌫ B2

(arcsec) (arcsec) (%) (µG)
S6 198.1 (195.7–199.6) 10.3 (4.2–13.2) 0.82 (0.81–0.84) 5.2 (2.1–6.7) 1.8624 4.8 (3.7–11.8)

S6B2 = 4.8 (3.7–11.8)  μG

Fig. 7. Radial profile from sector S6 fitted with the cap model. The best
fit results are given in Table 3, with the determined B-field indicated.

going o↵ in the extremely tenuous interior of a superbubble, the
extreme velocity contrast may be caused by density gradients
and the fact that the shock radius is so much larger, ⇠ 50 pc
(e.g., Sano et al. 2017), that most of the shock energy has been
distributed over a large shock area, making it more sensitive to
density gradients.

The di↵erence in X-ray morphology between 30 Dor C and
other superbubbles has been discussed by various authors (e.g.,
BU04, KS15). The rim-brightened morphology and hard X-rays
of 30 Dor C contrasts the more ‘typical’ picture of a superbub-
ble with a centrally-filled soft X-ray morphology, such as N 70

(Zhang et al. 2014). However, the optical and radio properties of
30 Dor C are consistent with other LMC superbubbles. The anti-
correlation between synchrotron X-ray and H↵ shell presented in
this work supports that 30 Dor C is similar to other superbubbles
but only special in that we are seeing a recent SN in the interior
(see also discussions in BU04, HC15, for examples).

4.2. Synchrotron profiles

In Sect. 3.2, we described the extraction of synchrotron emission
profiles from various sectors around the shell and their modelling
with a radial profile as typically seen from SNRs, i.e., an instan-
taneous rise at shell radius R, followed by an exponential fall-
o↵ in the postshock region and assuming the shell is spherically
symmetric. In almost all sectors (S1, S2, S3, S4, S5, S8, and S9),
this model provided a good fit to the radial profiles. The fact that
the profiles fit this SNR model in most regions of 30 Dor C, and
the anti-correlation between H↵/ 24 µm emission (Fig. 8) and
X-ray synchrotron emission argue against the interpretation of
SY17 that the synchrotron X-rays originate in the shock-cloud
interaction regions. If this were the case, the observed profiles
should be the sum of a multitude of very narrow synchrotron fil-
aments in the various shock-cloud interaction regions, and there
is no reason to expect that this would give rise to the SNR-type
volumetric emissivity profile that provides a good fit to the data.

However, there are two sectors whose radial profiles are not
well-fitted by the SNR model, i.e., sectors S6 and S7. Interest-
ingly, these sectors cross the brightest region of the synchrotron
shell which is correlated with the MC4 molecular cloud identi-
fied by SY17. Therefore, it is possible that some or all of the
synchrotron emission in the brightest region could be due to
VHE electrons in shock-cloud interaction regions. In Sect. 3.2
we showed that the S6 profile can be fitted using a modified ‘cap’
model. While this does provide an acceptable fit to the data, we
have no reason to expect such an emission profile in this sector.

Article number, page 9 of 15

•Using X-ray synchrotron widths: 
•B= 5 to 20 μG 

•Agrees with the leptonic scenario



Spectral Energy Distribution
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• Leptonic emission: does not preclude presence hadrons

• Hillas criterion with V=3000km/s, B=15 μG, L=25 pc:

• E=2x1015 eV!

• If true: super bubbles good at accelerating by shaping right SNR 
conditions, but don’t be too optimistic!

(Hillas plot severe filter not green light)
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Finally: could supernovae accelerate to the knee?

 26

Extrapolate Cas A back in time: 

• Shown:

•  Cas A B=200-500 μG, in RSG wind

• B2 ∝ ρVs3 

• Still in RSG wind:

• dM/dt = 10-4 Msun/yr

• Consequence: going back in time acceleration faster and higher E!

• Need dense winds: high dM/dt, low vw, i.e. RSG winds not Wolf-Rayet stars

• Problem: large variety in mass loss: only subset can go beyond the knee

• These supernovae are known as radio supernovae, example SN1993J
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• 9 serendipitous target SNe, 1 TOO  (sn2016adj)

• Due to fall of in density, expect

• Only upper limits so far :(

• But constraints on dM/dt realistic

• We just need some luck!

H.E.S.S. Upper limits on supernovae (preliminary)



Conclusions
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• Supernovae long suspect to power Galactic cosmic rays

• In 1950s: focus on shells

• 1970s/1980s: diffusive shock acceleration theory: knee problematic

• 1990s-2000s:

• X-ray synchrotron: high B turbulence/high B fields

• B amplification

• SNRs are common gamma-ray sources: 

• But cut-off weel below knee, hadronic vs leptonic nog always clear

• Alternatives

• Super bubbles: one example in gamma-rays and likely leptonic

• Radio supernovae: promising but still need to be detected
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What about the Klein Nishina limit?

 30

198 CHAPTER 12. RADIATION PROCESSES (APPENDIX?)

Figure 12.5:
fig:klein_nishina
Left: The scattering angle dependence (a) of the Klein-Nishina cross-

section as a function of e ⌘ hn/(mec2). For e ⌧ 1 the scattering angle dependence
approaches that of Thomson scattering (Fig. 12.2). Right: The total Klein-Nishina
cross-section (12.25) as expressed as a ratio with respect to the Thomson cross-section.

The Klein-Nishina total cross-section and its angular dependence is shown in Fig. 12.5.
The reduction of the cross-section and the change in scattering properties is often

referred to as Klein-Nishina effects.
Our derivation of the inverse Compton scattering (12.22) did not take into account

the reduced cross sections for e & 1. For inverse Compton scattering it matters whether
e in the frame of the electron is large, i.e. e = Ghn/(mec2) & 1. For a typical cosmic
microwave background photon with hn = 7⇥10�4 eV, Klein-Nishina effects will be-
come relevant for Ee & (mec2)2/(hn)⇡ 4⇥1014 eV. Thus for these scattered photonn
energies (or lower if the initial photon energies are infrared, optical or UV photons) one
has to take into account the reduced cross-sections (12.22) in the frame of the electron.

In [260] a derivation is given for the distribution my means of Lorentz transforma-
tions to the electron-frame and back, which results in

d2n(x)
dtdx

= csTn(n)

0

@ 1

4G2n
⇣

1� hn 0

Gmec2

⌘

1

A


2x ln(x)+(1+2x)(1� x)+
1
2
(x x)2

1+x x
(1� x)

�
,

(12.26)
with x redefined, and x defined as

x ⌘ n 0

n
1

4G2
⇣

1� hn 0

Gmec2

⌘  1, x ⌘ 4Ghn
mec2 ,

which implies that the maximum energy of the scattered photon is no longer 4G2hn ,
but reduced to

hn 0
max =

4G2hn
1+4G hn

mec2

 Gmec2. (12.27)

However, the scattered photon energies peak increasingly more to the maximum value
for increased values of x (Fig. 12.6), with the value of x an indication for the magnitude
of the Klein-Nishina effect in the frame of the electron (x = 4Ge).

•KN problem for γehν
mec2

≳ 1

•RX J1713 electron cut-off: Ee≈100 TeV , γ≈2x108 
•CMB KN problems: Ee≈ 260 TeV  
•IR dust: Ee≈ 26 TeV 
•Optical star light: Ee≈ 0.26 TeV 
•NB: radiation density in optical light high, but few photons (200 vs 0.1 ph cm-3) 
•For KN hν’≈(mec2)2/hν
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FIG. 2: Number density of the different radiation components
in the solar neighborhood, plotted in the form ε nγ(ε) versus
the photon energy ε.

direction û at the space point x⃗ can be calculated inte-
grating the interaction probability over the energy and
angular distributions of the target photons:

K(Eγ , û, x⃗) =

∫

dε

∫

dΩ (1− cos θ) nγ(ε,Ω, x⃗)

× σγγ [s(Eγ , ε, θ)] . (3)

In this equation nγ(ε,Ω, x⃗) is the number density of pho-
tons of energy ε and direction Ω at the point x⃗, and the
integration is extended to all energies and the entire solid
angle. The factor (1− cosθ) accounts for the relative ve-
locity of the interacting particles.
The survival (absorption) probability for photons of

energy Eγ traveling between points x⃗1 and x⃗2 can be
written as

Psurv(Eγ , x⃗1, x⃗2) = 1− Pabs(Eγ , x⃗1, x⃗2)

= exp [−τ(Eγ , x⃗1, x⃗2] (4)

and the optical depth τ can be calculated integrating the
absorption coefficient K along the trajectory:

τ(Eγ , x⃗1, x⃗2) =

∫ |x⃗2−x⃗1|

0

dt K(Eγ , û, x⃗1 + ût) (5)

where û is the versor parallel to (x⃗2 − x⃗1). For the sim-
ple case where the target radiation field is homogeneous
and isotropic, the absorption coefficient K is indepen-
dent from the position and direction of the gamma ray,
and τ increases linearly with distance: τ(Eγ , x⃗1, x⃗2) =
K(Eγ) |x⃗2 − x⃗1|.
According to equation (3), the calculation of the sur-

vival probability requires the knowledge of the number
density, energy spectrum and angular distribution of the
target photons at all points on the gamma ray trajectory.
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FIG. 3: Energy density of the radiation fields in the solar
neighborhood, plotted in the form uλ λ versus the wavelength
λ. The points are measurements by COBE–FIRAS [19] and
IRAS [26].

B. Radiation fields in the solar neighborhood

The radiation field in our Galaxy can be decomposed
as the sum of four components:

nγ = nCMBR
γ + nEBL

γ + nstars
γ + ndust

γ (6)

The first two terms in this equation describe extragalac-
tic components that permeate uniformly the Galaxy and
the entire universe and have to very good approximation
an isotropic angular distribution. The cosmic microwave
background radiation (CMBR) is the well–known relic of
the Big Bang, while the extragalactic background light
(EBL) has been formed by the emission of all extragalac-
tic sources during the history of the universe. The other
two terms in Eq. (6) are of Galactic origin and describe
the radiation emitted by stars and by dust (heated by
starlight). Both Galactic components have nontrivial
space and angular distributions, the densities are larger
near the Galactic center (GC) and close to the Galac-
tic plane, and the photon angular distributions trace the
shape of the Galactic disk.
The spectrum of the radiation in the solar neighbor-

hood and the contribution of the different components
is shown in Figs. 2 and 3. In Fig. 2 the spectrum is
shown as the angle integrated number density of photons
ε nγ(ε) versus the photon energy ε. In Fig. 3 the same
spectrum is shown in the form of the energy density λ uλ

versus the wavelength λ. Inspecting the figures one can
see that three radiation components (CMBR, dust emis-
sion and starlight) have spectra with similar shape but
maxima in different energy (wavelength) ranges and dif-
ferent normalizations. The fourth component (the EBL)

Vernetto & Lipari 16



A strange break

 31

H.E.S.S. Collaboration: Observations of RX J1713.7�3946

Fig. 5: Comparison of hadronic and leptonic models to the data. Top left: the hadronic gamma-ray model obtained with our broad-
band fit is compared to data. Bottom left: the same plot of the leptonic gamma-ray model compared to data including lower-energy
X-rays and radio data. The thick blue and red lines indicate the maximum-likelihood models, and the grey lines surrounding them
are the models for 100 samples of the MCMC chain and serve to illustrate the fit uncertainties. The energy flux data points shown
from high to low energy are the H.E.S.S. and Fermi-LAT gamma-ray data as solid and open circles, the Suzaku X-ray data and
ATCA radio data (Lazendic et al. 2004). The latter flux was determined for the northwest part of the SNR shell only and was scaled
up by a factor of two here to represent the whole SNR. Owing to this ad hoc scaling, these points are not included in the fit, but are
shown for illustration only. Right-hand side: both leptonic and hadronic models are compared to the Fermi-LAT and H.E.S.S. data
points including statistical and systematic uncertainties. In addition to the preferred best-fit models of a broken power law with a
cut-o↵ (BPL), a power law without cut-o↵ is also shown for the leptonic model to demonstrate that this model cannot describe the
Fermi-LAT gamma-ray data.

As in the hadronic scenario, the observed gamma-ray spec-
trum cannot be explained with an electron population described
by a single power law. This is clearly seen on the right-hand side
of Fig. 5, where the best-fit power-law electron model is shown
to be incompatible with the gamma-ray data even when taking
all uncertainties into account. Fitting a broken power-law elec-
tron distribution to the X-ray and gamma-ray emission from the
full remnant results in a break at Eb = 2.4 ± 0.3 TeV and a dif-
ference between the particle indices of ��e = 1.16 ± 0.14 (see
Table 5). The magnetic field strength required to reproduce the
X-ray and gamma-ray spectra is B = 14.2 ± 0.2 µG.

To illustrate the need for a low-energy break in the par-
ticle energy spectrum, the Akaike information criterion (AIC;
Akaike 1974) is also given in Table 5 as measure for the rela-
tive quality of both spectral models, the simple power law with
exponential cut-o↵ and the broken power law with exponen-
tial cut-o↵. A lower AIC value corresponds to the more likely
model, the relative likelihood also given in the table is defined
as exp ((AICmin � AICmax)/2). In all cases, the broken power law
is clearly preferred over the simple power law. We also tested
fitting a broken power law with a smooth instead of a hard tran-
sition,

E
2 ⇥ dN

dE
= E

2 ⇥ Fo E
��1

0
BBBBBB@1 +
✓

E

Ebreak

◆� �1��2�
1
CCCCCCA

��

,

plus a high-energy exponential cut-o↵, but find that the addition
of one more parameter to our results is not justified. The hard
transition, � ! 0, is mildly favoured at the 1 � 2� level over a
smoother transition, �fit ⇡ 0.3, for the SED of the entire SNR
in both the hadronic and leptonic models. The data cannot thus
discriminate between these two versions of a broken power law.
We therefore use the simpler version with a hard break, which
has one parameter less.

To test the impact of the X-ray data and see which fit pa-
rameters are a↵ected more by these than the gamma-ray data,
we have also performed the broadband leptonic fits only to the
gamma-ray data (losing any handle on the magnetic field). The
resulting parameters are shown in Table 5. Also in this case, a
broken power law instead of a single power law is needed to fit
the gamma-ray data, the resulting particle indices and break en-
ergy are compatible with the full broadband fit. The exponential
cut-o↵ of the parent particle spectrum, on the other hand, is sig-
nificantly lower: 65 ± 7 TeV compared to 88.4 ± 1.2 TeV when
including the X-ray data.

From the particle spectra shown in Fig. 6, one can see that
electrons via IC emission are much more e�cient in produc-
ing VHE gamma rays than protons via ⇡0 decay (Gabici &
Aharonian 2016). A proton spectrum about 100 times higher is
needed to produce nearly identical gamma-ray curves as shown
in Fig. 5.
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H.E.S.S. Collaboration: Observations of RX J1713.7�3946

Photon Energy ( eV )

810 910 1010 1110 1210 1310 1410

 )
-2

 c
m

-1
  d

N
/d

E 
( e

rg
 s

2 E 12−10

11−10

10−10 H.E.S.S. (2016) RXJ1713.7-3946
H.E.S.S. Data (this work)
Fermi-LAT
Electrons
Protons

1011 1012 1013 1014 1015

Particle Energy ( eV )

1043

1044

1045

1046

1047

1048

1049

E
2

dN
/d

E
(e

rg
)

Electron spectrum
We(Ee > 1 TeV) = (1.19 ± 0.05) � 1047 erg

Proton spectrum assuming nH = 1 cm�3

Wp(Ep > 1 TeV) = (5.80 ± 0.12) � 1049 erg
� nH

1 cm�3

��1

Fig. 6: Gamma-ray model curves and parent particle energy spectra. On the left, the best-fit electron and proton gamma-ray models
(broken power laws with exponential cut-o↵s) are compared to the Fermi-LAT and H.E.S.S. data. The data points and model curves
are the same as in Fig. 5. On the right, the corresponding best-fit parent particle energy spectra are shown. The electron model is
derived from a combined fit to both the X-ray and gamma-ray data.

5.3.2. Half remnant

Splitting the remnant ad hoc into the dim eastern and bright
western halves, we can test for spatial di↵erences in the broad-
band parent particle spectra within the remnant region while in-
cluding the Fermi-LAT data. Using similar models to those de-
scribed above, we find that for a hadronic origin of the gamma-
ray emission a broken power law is statistically required to ex-
plain the GeV and TeV spectra for both halves of the remnant.
The corresponding plots are shown in the appendix (Fig. E.1).
As can be seen in Table 5, the particle indices for the power laws
from the remnant halves are compatible with the high-energy
particle index of the full-remnant broken power-law spectrum,
confirming that, like for the gamma-ray spectra, there is no spec-
tral variation seen in the derived proton spectra either.

Assuming a leptonic scenario, the western half of the rem-
nant shows a slightly stronger magnetic field strength with BW =
16.7 ± 0.2 µG, compared to a strength of BE = 12.0 ± 0.2 µG
in the eastern half (Table 5). In addition, the electron high-
energy cut-o↵ measured is significantly lower in the western
half, E

e
c,W = 88.4 ± 1.2 TeV, compared to E

e
c,E = 120 ± 3 TeV

in the eastern half. The inverse dependency between the mag-
netic field strength and cut-o↵ energy is consistent with electron
acceleration limited by synchrotron losses at the highest ener-
gies. Given that the X-ray emission is produced by electrons of
higher energies than the TeV emission, the energy of the expo-
nential cut-o↵ is constrained strongly by the X-ray spectrum. To
demonstrate the impact of this, we also fit the electron spectrum
only to the gamma-ray data, see Table 5. From this fit the cut-o↵
energy increases and has much larger uncertainties. This can be
explained by synchrotron losses constrained by the X-ray data.
If some small regions have a magnetic field strength that is sig-
nificantly higher than the average field strength, these regions
can dominate the X-ray data and cause di↵erences in the cut-o↵
energies.

5.3.3. Spatially resolved particle distribution

The deep H.E.S.S. observations allow us to fit the broadband
X-ray and VHE gamma-ray spectra from the 29 smaller subre-
gions defined in Sect. 4.2 to probe the particle distribution and
environment properties by averaging over much smaller physical

regions of 1.4 pc (for a distance to the SNR of 1 kpc). However,
in VHE gamma rays the resolvable scale is still much larger than
some of the features observed in X-rays (Uchiyama et al. 2007).
It is therefore unlikely that the regions probed here encompass
a completely homogeneous environment, and information is lost
due to the averaging. In addition, the projection of the near and
far section of the remnant, and in fact the interior, along the line
of sight into the same two-dimensional region adds an uncer-
tainty when assessing the physical origin of the observed spec-
trum. This degeneracy is only broken for the rim of the remnant
where the projection e↵ects are minimal, and we know that the
observed spectrum is emitted close to the shock. As before, we
consider both the leptonic and hadronic scenarios for the origin
of VHE gamma-ray emission.

In the leptonic scenario, the Suzaku X-ray spectra are used
together with the H.E.S.S. gamma-ray data in the fits. This al-
lows us to derive the magnetic field per subregion in addition
to the parameters of the electron energy distribution. Given that
the Fermi-LAT GeV spectra cannot be obtained in such small
regions, only electrons above ⇠5 TeV are probed by the VHE
gamma-ray and X-ray spectra, and we can only infer the proper-
ties of the high-energy part of the particle spectra, i.e. the power-
law slope and its cut-o↵. No information about the break en-
ergy or the low-energy power law can be extracted in the sub-
regions. In the leptonic scenario, the VHE gamma-ray emission
probes the electron spatial distribution, whereas the X-ray emis-
sion probes the electron distribution times B

2, causing regions
with enhanced magnetic field to be over-represented in the X-
ray spectrum.

We find that in all regions the emission from an electron
distribution with a power law and an exponential cut-o↵ repro-
duces the spectral shape in both X-ray and VHE gamma-ray
energies. Table 6 and Fig. 7 show the results of these fits. The
electron particle index for all the regions is in the range 2.56
to 3.26 and is compatible with the average full-remnant parti-
cle index of 2.93. Such steep particle indices, which are signif-
icantly larger than the canonical acceleration index of about 2,
indicate that the accelerated electron population at these energies
(Ee & 5 TeV) has undergone modifications, i.e. cooling through
synchrotron losses. However, neither the age of the remnant of
O(1000 years) nor the derived average magnetic field are high
enough for the electrons to have cooled down to such energies.

13



Saving the hadronic scenario: Clumpy medium
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Figure 9. Schematic view of wind bubble expanding in a cloudy ISM. Diffuse
intercloud gas is swept by the stellar wind, while dense cloud cores and clumps
can survive in the wind. Density in the wind bubble is much smaller than the
intercloud gas density that is determined by the evaporation of the wind shell
by thermal conduction.

The requirement for the density of the diffuse gas can be
achieved if the progenitor of RX J1713.7−3946 is a massive
star as is widely believed (Slane et al. 1999). This is because the
stellar wind from the massive star would sweep up preexisting
intercloud gas rarefying the intercloud gas significantly, while
dense clumps are not swept off owing to their high density
(e.g., Gritschneder et al. 2009). The situation is illustrated
schematically in Figure 9. According to Weaver et al. (1977),
who studied the expansion of a bubble formed by stellar wind
from O-type stars, the resulting gas density in the wind bubble
is n ∼ 0.01 cm−3 (see, e.g., Figure 3 of Weaver et al. 1977).
Note that the density in the wind bubble is not determined by the
density of wind gas but by the evaporation of the wind shell into
the cavity. The radius of stellar wind bubble Rw is described
using the mechanical luminosity of the wind Lw, density of
interstellar gas n0, and lifetime of the wind tlife as Rw = 27 pc
(Lw/1036 erg s−1)1/5 (n0/1 cm−3)−1/5 (tlife/1 Myr)3/5 (Castor
et al. 1975). According to this expansion law, in order for the
dense gas to stay within the cavity of the wind bubble, the
density should be at least larger than

n0 ! 103 cm−3
(

Lw

1036 erg s−1

)(
Rw

10 pc

)−5 (
tlife

1 Myr

)3

, (8)

where we have adopted a distance of 1 kpc and thus the radius
of RX J1713.7−3946 ∼10 pc (Fukui et al. 2003).

Recently, Sano et al. (2010) have shown by using the
NANTEN telescope that the “peak C” of a CO molecular cloud
core associated with the region in RX J1713.7−3946 seems to
be embedded in the SNR. Since the density of the molecular
cloud core is approximately 104 cm−3, it is reasonable for such
a dense object to stay in the SNR. Equation (8) suggests that less
dense molecular cloud cores or molecular clumps with density
on the order of 103 cm−3 depending on Lw and tage would also
be embedded in RX J1713.7−3946, although these may not be
observed by CO line-emission surveys due to the dissociation
of molecules by UV radiations from the progenitor massive star.
We conclude that if we take into account the effect of the stellar
wind from the massive progenitor, the diffuse intercloud gas
density becomes on the order of n ∼ 0.01 cm−3, which does

not conflict the lack of the thermal X-ray line emission, while
dense molecular clumps/cores can be left in the wind bubble.

The remaining issue for the X-ray line emission from the
shocked clouds is resolved easily as follows. The temperature of
protons in the shocked gas, which corresponds to the maximum
temperature of electrons, is given by

kB T = 3
16

mp v2
sh = 18

( vsh

3000 km s−1

)2
keV, (9)

where vsh is the shock velocity that is supposed to be
3000 km s−1 in the diffuse gas (gas in the wind cavity with
the density nd ∼ 0.01 cm−3). In the cloudy ISM, the shock is
stalled when it hits a cloud. As we show in Section 3.1 and the
Appendix in more detail, the velocity ratio of the shock wave in
the diffuse gas and the cloud is proportional to the square root of
their density ratio: vsh,d/vsh,c ≃ (nc/nd)1/2. From this relation,
we can estimate the proton temperature (corresponding to the
upper bound of the electron temperature) of the shocked cloud
as

kB Tc = 3
16

mp v2
sh,c

= 2 × 10−4
( vsh,d

3000 km s−1

)2 ( nd

0.01 cm−3

)

×
( nc

103 cm−3

)−1
keV. (10)

Therefore, even after the passage of the shock wave in the
clouds, bright thermal X-ray line emission from the clouds is
not expected.

4.4. Spectrum of Hadronic Gamma Rays

Recently, using a one-dimensional model assuming a uniform
ISM, Ellison et al. (2010) claimed that if we reduce the ambient
density to reconcile the absence of the thermal X-ray line emis-
sion from RX J1713.7−3946, the hadronic gamma-ray emission
becomes dim owing to the low target gas density for π0 creation.
The reason is as follows. According to Aharonian et al. (2006),
the total gamma-ray energy measured from 0.2 to 40 TeV in
RX J1713.7−3946 is W ≃ 6 × 1049 (d/1 kpc)2 (ntg/1 cm−3)−1

erg, where d is a distance and ntg is a mean target gas density.
Thus, supposing the low-density ISM, the efficiency of parti-
cle acceleration becomes 100 (ntg/0.06 cm−3) (E/1051 erg)%,
indicating that the hadronic gamma-ray emission cannot be as
bright as observed even if the acceleration is extremely efficient.

However, in our shock–cloud interaction model, the hadronic
emission from the clouds embedded in the SNR can be ex-
pected, because the high-density shocked clouds do not emit
thermal X-ray lines owing to the low-temperature as shown
in Equation (10). If we assume a typical density of clumps
ncl ∼ 103 cm−3 and their volume filling factor f ∼ 10−3, the
effective mean target density can be rewritten as ntg ≃ ncl f

and thus the efficiency becomes 6 (ncl/103 cm−3) (f/10−3)%.
Although precise evaluation of the filling factor f is beyond
the scope of this paper, our model can reproduce the hadronic
gamma-ray emission that is compatible with the canonical ac-
celeration efficiency ∼10%.

In the case of a uniform ISM model, the spectral energy
distribution of the hadronic gamma rays directly reflects that
of the accelerated nuclei roughly above the critical energy
of the π0 creation (∼0.1 GeV), i.e., the photon index of the
hadronic gamma-ray emission is p = 2 for the standard DSA

10
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X-ray synchrotron profiles

 33

Helder, JV, et al. 2012

•Model: sudden increase at shock + exponential fall off (projected) 
•Models do generally not fit very well (exception Vela jr) 
•Some filaments (e.g. Cas A & SN1572) very narrow: <1” or 1017cm



Hadronic CRs confirmed:  
Fermi detection of pion bumps

 34

Ackermann+ 2013

•Mature SNRs do contain cosmic-ray protons! 
•But: SNRs are mature, and Emax < 0.1 TeV 
•What happened to high energy protons? Escape?



On the leptonic scenario for Υ-rays from 30Dor C

 35

•The leptonic scenarios makes use of X-ray synchrotron detection: Vs≿3000 km/s 
•Assuming Sedov type of evolution:  

•t=0.4 R/Vs≈ 6000 yr 
•Model 30Dor C: ≃5  SNe went off,  
•But in 6000 yr?    → may be one or two? 
•Sedov model density estimate:  

R = 2.8 x108(Et2/nH)1/5 cm    →  nH≈5x10-4 E511/5cm-3 

•density much lower than inferred from thermal emission SE (0.4cm-3) 

•X-ray synchrotron/leptonic scenario: 
•Need extremely low density 
•Adding more energy does not help much (R ∼E1/5tt2/5) 

•Likely scenario: 
•Superbubble creates very low densities (multiple SNe/winds) 
•Last supernova remnant moves very fast through tenuous medium 
•X-ray synchrotron/Υ-rays only intermittent periods of 5000-10000 yr



A true hadronic source?

 36



Non-detection of SN1987A

 37

•Gamma-ray flux  
F (>1 TeV) < 5 x 10-14 cm-2s-1 
•99% confidence level 

•Gamma-ray luminosity  
        L (>1 TeV) < 2.2 1034 erg/s 

•Hadronic (proton) scenario 
•gamma-ray emission predicted 

(e.g. Berezhko+ 11) 
•shock front has reached 

equatorial ring with  
nH = 103 ... 3x104 cm-3 

•Energy in protons: Wpp < 1.4 f x 1048 erg 
•f is fraction of particles 

interacting with the ring: f ∼ 0.2 

→ SN 1987A is not an efficient accelerator



The future in X-ray and gamma-rays

 38

Implementation of the NOVA 
pointing system into  the  

Cherenkov Telescope Array (CTA) 
Jacco Vink, Sera Markoff, Shin’ichiro Ando, Christoph Weniger 

Universiteit van Amsterdam 

Remko Stuik 

 NOVA 

Jörg Hörandel, 

 Radboud Universiteit  

Manuela Vecchi, Ad van den Berg 

 Rijksuniversiteit Groningen 

Alexey Boyarsky 

Lorentz Institute, Universiteit Leiden 
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Figure 3: The sensitivity of  CTA compared to those of other gamma-ray observatories. Top: total flux 
sensitivity. CTA (blue) sensitivity is given for 50 hr of integration, compared to 10 yr for the Fermi satellite, 
which is a survey mission. Left: The sensitivity of CTA as a function of time, which is relevant for transient 
sources. Clearly for 1 hour of observation CTA outperforms Fermi by almost 6 orders of magnitude. 

•Cherenkov Telescope Array (CTA) 
•>100 telescopes, two locations (La Palma, Chile) 
•Operational > 2023

•Imaging X-ray polarisation with IXPE (NASA) 
•PI M Weisskopf 
•Gas Pixel Detector 
•To be launched in 2022 
•Measure magnetic field turbulence (η)!

Simulations Cas A (Vink&Zhou 2018)



Accelerating shock
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The overall result is in a variable spectral index, which at low energies a steep index
(reflecting the small compression factor of the subshock), and which is flatter at high
energies. So the spectrum is no longer a power law distribution, but is concave. An im-
portant aspect of non-linear shock acceleration is that the highest energy particles may
diffuse too far ahead of the shock and escape, draining energy from the shock system.
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Figure 10.6:
fig:nonlinear_cartoon
Schematic illustration of the structure of a cosmic-ray modified shock.

A detailed description of non-linear shock structure goes beyond the scope of this
book, but some salient aspects of cosmic-ray modified shocks can be described using
the so-called two-fluid model [120, 360, 359]. In this model the accelerated particles
are treated as an additional fluid component alongside the normal plasma component.
The Rankine-Hugoniot conditions can then be applied, but with some modifications:
instead of an upstream and downstream region (1,2, see § 4.1) three regions are distin-
guished, upstream (0), precursor (1) and downstream (2), see Fig. 10.6. The continuity
of mass- (4.2) and momentum-flux (4.3)(essentially pressure equilibrium) can be fol-
lowed throughout all regions, but the equation of energy-flux needs to be modified.
First of all, because in the precursor energy-flux is originating from the downstream
region (the cosmic-ray precursor), secondly, because we have to allow for cosmic-ray
escape, draining energy from the shock system. Equation (4.4) needs, therefore, to be
modified to


P0 +U0 +(1� e)1

2
r0v2

0

�
v0 =


P2 +U2 +

1
2

r2v2
2

�
v2, (10.51){eq:rankine3b}

with e 2 [0,1] the energy-flux escape fraction. The pressure is a combination of gas
pressure Pg and cosmic-ray pressure Pcr. As a measure of the cosmic-ray accelera-
tion efficiency we use the ratio of the downstream cosmic-ray pressure over the total

•Simple shock: sudden jump in density, velocity and pressure 
•Accelerating shock:  

•accelerated particles in front of shock 
•accelerated particles may alter flow into shock 
•may pre-heat the medium ahead of the shock  
•may lower Mach number of the shock → non-linearity 

•Cosmic-ray precursor length scale: <10% of shock radius 
•Otherwise particles no longer make it back to the shock!



Maximum photon energy synchrotron radiation
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Plasma: Vs 1/X Vs

Unshocked, or  
upstream

Shocked, or  
downstream

particle  
random walk

•Electron protons accelerated similarly 
•Electrons 1% of CR composition 

•But very-high energy electrons lose energy fast:
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with A containing all parameters that are assume to be constant (which may not be true
for B):
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Solving (10.43) gives
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This solution is not valid for m = 1
2 for which the factor 2m�1 switches sign. It shows

that for m > 1
2 an increase in acceleration time Dt will always result in a larger maxi-

mum energy (Dt ! •, Emax ! •). For m < 1
2 the maximum energy will be limited to

the asymptotic value Emax =V 2
sh,0At0/|2m�1|. For m = 1 (free expansion, or constant

shock velocity) we obtain the original Emax µ Dt as implicitly given by (10.38).
The importance of this result is that after the age the supernova remnant has reached

the Sedov-Taylor phase (or m < 1
2 ) the energy gains will be very limited. What is

physically peculiar about m = 1
2 is that for that value the increase of the shock radius,

Rsh µ t1/2, is similar to the increase in diffusion distance, ldiff =
p

2Dt µ t1/2. In other
words, for m > 1

2 a particle diffusing ahead of the shock will always be caught up by
the faster progression of the shock if enough time is allowed. But for m < 1

2 a particle
diffusing ahead of the shock may at sometime be too far ahead to ever be caught up by
the shock.

Later in this Chapter we will describe evidence that the magnetic field strength is
amplified, with faster velocities resulting in more amplified magnetic fields. If we for
now assume that B µ t�a, with a some positive constant, it can be verified that the
critical value for the expansion parameter shifts to a larger value of m = 1

2 (1+a).

10.2.7 Radiative losses: the maximum electron energy
{sec:max_electron}

We have described so far, how the age, shock velocity evolution, and adiabatic expan-
sion limit the maximum energy particles can be accelerated to. However, for radiative
losses will limit the maximum energy even more for electrons, but are negligible for ac-
celerated atomic nuclei (hadronic cosmic rays). For hadronic cosmic rays inelastic col-
lisions are the most dominant loss mechanism, but the cross-section is rather constant
as a function of energy spp ⇡ 40 mbarn, and the associated time scale for collisions is
much larger than typical supernova remnantages: tpp ⇡ 1/(nHsppc)⇡ 2.6⇥107n�1

H yr,
with nH the local number density of the plasma.

For electrons radiative losses are important. As we have seen in § 12.2.3 syn-
chrotron radiation losses are strongly dependent on energy

✓
dE
dt

◆

syn
⇡�B2E2

634
erg s�1. (10.46)

•Maximum energy: acceleration balances losses
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as we will show here the acceleration time scale does strongly depend on the shock
velocity.

To estimate the acceleration time scale, we first estimate how long, on average, a
particle that is in the process of being accelerated resides on either side of the shock.
For particles to be accelerated they have to be close enough to the shock front, namely
within a length scale (10.26)

l =
Z •

0
exp

✓
�xD

v

◆
dx ⇡

Z •

0
exp

✓
� x

ldiff

◆
dx = ldiff.

Consider now a volume spanned by this length scale and corresponding to a shock
surface area A, the number of particles that are in the process of being accelerated is
N = n(p)Aldiff. The number of particles crossing the shock front is given by AFcross(p),
with Fcross given by (10.16). Note that the diffusive flux near the shock, 1

4 nbc, is
generally much larger than the advected flux nVsh (c.f. 10.19). So the average time
spend by a particle on either side of the shock front is Dt = N/(AFcross) = 4ldiff/bc.
The average time for a particle to complete one cycle is the sum of the time spend on
both sides of the shock:

Dt =
4

bc
(ldiff,1 + ldiff,2) =

4
bc

✓
D1

v1
+

D2

v2

◆
. (10.34)

The average energy gain is given by (10.17), so the rate at which particles gain energy
is

dE
dt
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The time needed to accelerate to a certain energy E is, therefore,

tacc =
3

v1 � v2

Z E

E0

✓
D1(E 0)

v1
+

D2(E 0)

v2

◆
dE 0

E 0 . (10.36){eq:acceleration_time}

This is essentially the same result as derived more rigorously in [235].
We can use the parametrisation (10.37) to gain some insight in the acceleration

time. We assume that there are no energy losses and that an energy Emax can be reached
in a time tacc. Furthermore, we assume that the downstream magnetic field is enhanced
with respect to the upstream strength with a factor 1 cB  c , with cB = 1 correspond-
ing to a parallel magnetic field (i.e. parallel to the shock normal) and cB = c would
be the other extreme, corresponding to a perpendicular magnetic field, which will be
compressed with the same value as the shocked gas. In this case we have D2 = D1/cB.
We make the energy dependence of the parameterisation more explicit by rewriting

D1 =
1
3

hmax

✓
E

Emax

◆d�1 cE
eZB1

, (10.37){eq:diffusion_coefficient}

with eZ the charge of the particle, and d being a similar parameter as used in § 10.1.3.
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In the shocked medium the magnetic field strength will be larger than in the unshocked
medium, B2 = cBB1, whereas the time spent in the unshocked regions scales with
D1/v1 and D2/v2 = (cD1)/(cBv1). The average energy loss rate is therefore

⌧
dE
dt

�

syn
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B2
1E2

634
(1+ccB)⇣
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cB

⌘ erg s�1. (10.47)

Equating this with the acceleration rate (10.35) gives
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Note that we do not care so much here about the energy dependence of the diffusion
coefficient (as long as d < 1), as we are using here energy gain rates at a specific energy,
and all the diffusion dependencies are conveyed by B2 and h , the latter being specific
for a certain energy/gyroradius scale.

The reason for giving the maximum energy as a function of the downstream mag-
netic field, rather than upstream field, is that synchrotron radiation is strongly enhanced
in the shocked region, because of the stronger magnetic field. This is, therefore, the
region from which synchrotron radiation is usually detected. A value of B2 = 100 µG
is typical for what has been inferred from observations of young supernova remnants
(see § ??). Interestingly, if synchrotron radiation losses limit the maximum energy of
the electrons, then the higher the magnetic field, the lower the maximum energy is
(Emax µ B�1). This is in contrast to the maximum energy for atomic nuclei for which
Emax µ B, see (10.38).

The typical photon energy for synchrotron radiation is (10.48)

hn = 19
✓

E
100 TeV

◆2✓ B?
100 µG

◆
keV.

Inserting this in (10.48) shows that

hnmax ⇡ 3h�1
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Vsh
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◆2
0
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3/17

1

A keV. (10.49){eq:hnu_max}

Remarkably this photon energy does not depend on the magnetic field as first shown in
[19].

Apart from synchrotron losses also inverse Compton scattering and/or bremsstrah-
lung losses may play a role in limiting the maximum energy. Inverse Compton scatter-
ing is usually included by incorporating it in magnetic field using the effective magnetic
field (B2

eff ⌘ B2 +8pUrad), where Urad is the radiation field energy density, which pro-
vides the seed photons for upscattering. However, one has to be careful here: Inverse
Compton scattering is a discrete process. For an electron the average time between
collisions is

tIC =
1

nphotsTc
, (10.50)
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Remarkably this photon energy does not depend on the magnetic field as first shown in
[19].

Apart from synchrotron losses also inverse Compton scattering and/or bremsstrah-
lung losses may play a role in limiting the maximum energy. Inverse Compton scatter-
ing is usually included by incorporating it in magnetic field using the effective magnetic
field (B2

eff ⌘ B2 +8pUrad), where Urad is the radiation field energy density, which pro-
vides the seed photons for upscattering. However, one has to be careful here: Inverse
Compton scattering is a discrete process. For an electron the average time between
collisions is
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1
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, (10.50)

•Combining with photon energy hν≈7.4E2B keV:
Aharonian &Atoyan 99



Are the highest energy Galactic cosmic rays 
accelerated by very young SNRs (radio supernovae)?

 41

•SNRs in supergiant winds: 
•Very young → very high shock velocity (Vs≈10,000-20,0000 km/s) 
•Late phase winds (RSG) are dense and ρ∝1/r2 → highest density in first 50 yr 
•B2 ∝ ρ Vs2-3 → expect fastest acceleration at very young age! 
•Since ρ∝1/r2 also many particles enter shock early on 

(Ptuskin& Zirakashvili 05, Schure, Bell, 2013, Cardillo + 2015,…) 
•Example of potential accelerators 

•SN1993J in M81 (e.g. Marcowidth+ 2015) 



Some young SNRs in TeV gamma-rays

 42

Cas A (HEGRA,MAGIC, Veritas) Tycho (Veritas) RCW 86 (HESS)

RX J1713 (HESS) RX J1713 (HESS)Vela Jr (HESS)SN 1006 (HESS)



Without particle acceleration shocks are 
described by Rankine-Hugionot relations

•Rankine-Hugoniot relations:  
    mass-, momentum- & enthalpy-flux conservation

⇢1v1 = ⇢2v2

P1 + ⇢1v1 = P2 + ⇢2v2

(P1 + u1 +
1
2
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2
1)v1 = (P2 + u2 +

1
2
⇢2v

2
2)v2

•Solutions for strong shocks:
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Shock modification due to acceleration (non-
linear acceleration)

 44

•Particles diffusing in front of shock: modification of shock structure 
(e.g. Eichler 1979) 

•Efficient acceleration results in non-linear shock structures: 
•Precursor region + heating 
•Lower post-shock plasma temperatures 
•Higher overall shock compression ratios 
•Lower shock compression at the gas shock (=sub shock)
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The overall result is in a variable spectral index, which at low energies a steep index
(reflecting the small compression factor of the subshock), and which is flatter at high
energies. So the spectrum is no longer a power law distribution, but is concave. An im-
portant aspect of non-linear shock acceleration is that the highest energy particles may
diffuse too far ahead of the shock and escape, draining energy from the shock system.
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Figure 10.6:
fig:nonlinear_cartoon
Schematic illustration of the structure of a cosmic-ray modified shock.

A detailed description of non-linear shock structure goes beyond the scope of this
book, but some salient aspects of cosmic-ray modified shocks can be described using
the so-called two-fluid model [120, 360, 359]. In this model the accelerated particles
are treated as an additional fluid component alongside the normal plasma component.
The Rankine-Hugoniot conditions can then be applied, but with some modifications:
instead of an upstream and downstream region (1,2, see § 4.1) three regions are distin-
guished, upstream (0), precursor (1) and downstream (2), see Fig. 10.6. The continuity
of mass- (4.2) and momentum-flux (4.3)(essentially pressure equilibrium) can be fol-
lowed throughout all regions, but the equation of energy-flux needs to be modified.
First of all, because in the precursor energy-flux is originating from the downstream
region (the cosmic-ray precursor), secondly, because we have to allow for cosmic-ray
escape, draining energy from the shock system. Equation (4.4) needs, therefore, to be
modified to


P0 +U0 +(1� e)1

2
r0v2

0

�
v0 =


P2 +U2 +

1
2

r2v2
2

�
v2, (10.51){eq:rankine3b}

with e 2 [0,1] the energy-flux escape fraction. The pressure is a combination of gas
pressure Pg and cosmic-ray pressure Pcr. As a measure of the cosmic-ray accelera-
tion efficiency we use the ratio of the downstream cosmic-ray pressure over the total



Close-ups of accelerating shocks

 45

CME induced shock (ACE, Giaccalone ’12) Solar system termination shock 
(Voyager 2, Florinski+ 09)



Non-linear acceleration: simplify the problem by 
extending the Rankine-Hugoniot relations

•Assume two “fluids”:  
1. plasma with γg=5/3,  
2. cosmic rays with 4/3<γcr<5/3 

•Allow for energy to escape (cosmic rays leaving system): ϵ≣Fcr,esc/(½ρ0v03) 
•Close equations by evaluating conditions in three regions: 

1. undisturbed medium 
2. in cosmic-ray precursor, just ahead of shock  
3. shocked medium 

•Closing relation: cosmic-ray pressure continuous across shock (boundary 1 & 2)
 46
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diffuse too far ahead of the shock and escape, draining energy from the shock system.
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Figure 10.6:
fig:nonlinear_cartoon
Schematic illustration of the structure of a cosmic-ray modified shock.

A detailed description of non-linear shock structure goes beyond the scope of this
book, but some salient aspects of cosmic-ray modified shocks can be described using
the so-called two-fluid model [120, 360, 359]. In this model the accelerated particles
are treated as an additional fluid component alongside the normal plasma component.
The Rankine-Hugoniot conditions can then be applied, but with some modifications:
instead of an upstream and downstream region (1,2, see § 4.1) three regions are distin-
guished, upstream (0), precursor (1) and downstream (2), see Fig. 10.6. The continuity
of mass- (4.2) and momentum-flux (4.3)(essentially pressure equilibrium) can be fol-
lowed throughout all regions, but the equation of energy-flux needs to be modified.
First of all, because in the precursor energy-flux is originating from the downstream
region (the cosmic-ray precursor), secondly, because we have to allow for cosmic-ray
escape, draining energy from the shock system. Equation (4.4) needs, therefore, to be
modified to


P0 +U0 +(1� e)1
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2

�
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with e 2 [0,1] the energy-flux escape fraction. The pressure is a combination of gas
pressure Pg and cosmic-ray pressure Pcr. As a measure of the cosmic-ray accelera-
tion efficiency we use the ratio of the downstream cosmic-ray pressure over the total



The extended Rankine-Hugoniot relations 
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•One running parameter: precursor compression Xprec 
•Assume value of γcr ϵ [4/3 - 5/3] 
•Total compression ratio: 

•Expression for fractional cosmic-ray pressure: 

•Expression for energy escape:
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Results of simple Rankine-Hugoniot extensions
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EscapeCompression

Temperature effects
Higher acc. efficiencies

w=Pcr/Ptot

Vink+ ’10,Vink&Yamazaki ‘14



The models agrees with the kinetic non-linear 
acceleration model of Blasi et al. (2005)

•Crosses: Blasi model for different Emax 

•Blasi model: one solution (depends on acceleration details) 
•Extended Rankine-Hugoniot: allowed possibilities 
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There are always solutions with conserved 
energy-flux: correspond to Drury&Völk model

Relativistic particle population

•For non-relativistic cosmic rays for given M: one CR solution with ϵ=0 
•For relativistic dominated particles: two CR solutions with ϵ=0 
•A lower limit of M=√5 can have implications for shocks in the solar system and 

clusters of galaxies (relics) 

contours/colors: escape flux
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Non-relativistic particle population

M=√5 M=5.88



A measurement of the cosmic-ray efficiency in 
a fast supernova remnant shock  0509-675
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•Distance known (LMC, 50 kpc) 
•Shock velocity: X-ray line broadening + Chandra expansion: Vs> 5000 km/s 

•One of the fastest shocks  in a known SNR! 
•Hα broad line  widths: 2680 ± 70 km/s (SW), 3900 ± 800 km/s 
•Discrepancy in kT: kTmeasured/kTexp≤0.7    
•Hence: cosmic-ray efficiency w≥25%?

Helder, Kosenko, Vink ‘10



Escape energy as a function of pre-cursor 
compression
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The Astrophysical Journal, 780:125 (13pp), 2014 January 10 Vink & Yamazaki

Figure 1. Left panel: the curves represent the solutions of the energy-flux escape parameter ϵ as a function of the precursor compression ratio χprec, for various values
of the overall Mach number, with increments of ∆Mg,0 = 0.25. The slopes at χprec = 1 are negative for Mg,0 <

√
5, resulting in negative values of ϵ, which is

unphysical. For Mg,0 >
√

5 one does obtain physical solutions, but energy escape is required (ϵ > 0). Right panel: the behavior of ϵ as a function of total shock
compression χtot (Equation (A15)) for the same Mach numbers as in the left panel. The total, light gray, curve shows a wide range of shock compression ratios, but only
values ϵ ! 0 correspond to potentially physical solutions. The colored curves are solutions to the two-fluid model of Vink et al. (2010), with the unphysical solutions
(χprec < 1) indicated with a dotted line. The highest values of χtot of the colored lines correspond to the maximum compression ratios as given by Equation (1). The
compression ratios with ϵ = 0 correspond to the standard Rankine–Hugoniot solutions.
(A color version of this figure is available in the online journal.)

numbers investigated by Becker & Kazanas (2001). As we
will describe below, for shocks moving through a magnetized
medium (Section 2.4), or for a (partially) relativistic cosmic-
ray population (γcr < 5/3, Section 2.3) Macc >

√
5. However,

as we will discuss in Section 2.5, a population of pre-existing
cosmic rays, may result in cosmic-ray acceleration for values
lower than Macc.

The maximum value for the energy flux escape, ϵ, is deter-
mined by solving dϵ/dχprec = (dϵ/dχtot)(dχtot/dχprec) = 0.
For γcr = 5/3 this equation has two possible solutions. One cor-
responds to a minimum of ϵ, with ϵ < 0. This minimum does
not have a physical meaning. The other solution corresponds to
dχtot/dχprec = 0, and is associated with a maximum value of ϵ,
and hence with the maximum of χtot (Equation (2)).

Figure 1 illustrates the properties of the energy flux equation
for shocks with Mach numbers around Mg,0 =

√
5 and

γcr = 5/3, indicating that the accelerated particles are non-
relativistic. The panel on the left shows that for Mg,0 <

√
5 and

χprec > 1 one obtains ϵ < 0, which is unphysical. A solution
with ϵ = 0 is always possible, and occurs for χprec = 1.
This solution corresponds to the standard Rankine–Hugoniot
relations.

The right-hand panel of Figure 1 shows the behavior of
the energy escape (ϵ, Equation (A15)) as a function of total
compression ratio. Note that this figure does not rely on the
details of a two-fluid model, as only the total compression
ratio is used, but an effective adiabatic index γ needs to be
specified. The figure shows that higher compression ratios than
the standard shock-jump conditions are allowed, but only if
there is energy flux escape, i.e., ϵ > 0. But in the context of
a system with precursor compression and a subshock, there is
a restriction on the total compression ratios that are possible,
namely χprec ! 1. As a consequence, physical solutions
with higher compression ratios than the standard shock jump
conditions are only possible for Mg,0 >

√
5. These physical

solutions are indicated by solid colored lines.

Figure 2. Solutions to two-fluid model of Vink et al. (2010). The values for the
Mach number correspond to those in Figure 1, except that the orange curves
correspond to Mg,0 =

√
5 + 0.001, in order to show the behavior very close the

critical Mach number.
(A color version of this figure is available in the online journal.)

Figure 2 shows the allowed combinations of the fractional
downstream cosmic-ray pressure w2 and ϵ. It illustrates that
there is a dramatic change in the maximum possible particle
acceleration efficiency going from a Mach number around
Mg,0 = 2.5 to a Mach number very close to Macc =

√
5.

There are other potential effects that may shift the limiting
Mach number to higher values. In Section 2.4, the effects
of plasma-beta is treated. But another factor is non-adiabatic
heating in the precursor. Up to now it was assumed that the
accelerated particles compress the upstream plasma, and heats
it only adiabatically. However, additional heating may occur in
the precursor, for example through Coulomb collisions, wave
damping, or through friction with neutral atoms (Ohira &

3

Vink&Yamazaki 2014



Implications and concerns
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•The extended Rankine-Hugoniot relations 
•are simple 
•give acceleration efficiency for a measured shock velocity/post-shock kT 
•should be consistent, but do not replace full kinetic descriptions 

(provide a constraint on efficiency, but do not predict efficiency) 
•are not fully self-consistent: adiabatic index is a parameter, not calculated 

•Two-fluid approach has in general limitations:  
•What about slightly non-thermal particles, non-Maxwellian distributions? 
•What about non-steady state effects? 

•A clear prediction: no efficient particle acceleration for M≦√5 
•Seems consistent with solar system shocks (Giacalone, 2012) 
•May have implications for primary shock acceleration in clusters of galaxies  

-some cluster of galaxies shocks have radio emission others not!



N157B: A very bright gamma-ray PWN
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via diffusive escape [e.g., (41)]. It therefore appears
that N 157B is such a bright g-ray emitter because
of the enhanced radiation fields, despite the fact
that it is apparently a much less efficient particle
accelerator than the Crab nebula.

N 132D

In addition to the two unambiguously detected
sources, we find strong evidence for a third source
at the position of the core-collapse SNR N 132D.
N 132D is a SNR with strong thermal x-ray emis-
sion, which has been used to estimate a preshock
density of nH ≈ 2.6 cm−3 (42), a high explosion
energy of ∼6 × 1051 erg (42), and an age of ∼6000
years, based on a Sedov model. Such x-ray bright
SNRs are predicted to be g-ray emitters (43).
N 132D is also luminous in the radio (44) and
infrared bands (45). N 132D is often compared to
the brightest radio source Cas A, which, like N
132D, is an oxygen-rich SNR. N 132D has a higher
infrared luminosity (45), but its radio luminosity
is 50% that of Cas A. This is still remarkable, given
that N 132D has a kinematic age of ∼2500 years
(46), whereas Cas A is ∼330 years old and de-
clines in radio luminosity by about 0.8% per year.
The radio properties have been used to infer a
magnetic-field strength of ∼40 mG (44). The dis-
crepancy between the age estimate based on
the x-ray emission and the kinematic age may
indicate that the supernova exploded within a
bubble created by the progenitor star’s wind before
encountering the high-density material it now
interacts with.
The g-ray flux measured by H.E.S.S. translates

to a 1 − 10 TeV g-ray luminosity of (0.9 T 0.2) ×
1035(d/50 kpc)2 erg s−1. Assuming that the g-ray
emission is caused by neutral-pion production,
this luminosity implies an energy of 1052(nH/
1 cm−3)−1(d/50 kpc)−2 erg in relativistic protons.

A hadronic origin of the g-ray emission, there-
fore, implies either a large CR-energy fraction of
17% of the explosion energy, for an estimated
post-shock density ofnH≈ 10 cm−3 (42), or that the
gas density is higher than the x-ray–based es-
timates. The latter is plausible, given that N 132D
appears to interact with dense, shocked inter-
stellar clouds, seen in the optical and the infrared
bands (45). It is interesting to compare N 132D to
the most luminous Galactic SNR detected at TeV
energies, HESS J1640−465: Both SNRs are be-
lieved to interact with a wind-blown cavity wall,
to possibly have similar ages and sizes (46, 47),
and to have transferred a large fraction of their
explosion energies into CRs.
The bright radio synchrotron luminosity of N

132D and the tentative claim of x-ray synchro-
tron emission from this source (48) also raises
the possibility that the g-ray emission is caused
by inverse Compton scattering of low-energy pho-
tons. In and around N 132D, the radiation energy
density is dominated by the bright infrared flux
from dust inside the SNR and can be roughly
estimated to be at least urad ≈ 1.0 eV cm−3. This
leptonic scenario requires that the averagemagnetic-
field strength needs to be ∼20 mG, somewhat
lower but still consistent with the equipartition
value (see S1.3). However, this leptonic scenario
critically depends on whether the 4 to 6 keV x-ray
continuum emission indeed contains a substan-
tial synchrotron component.
Whatever the emission mechanism for the

g-ray emission fromN 132D, it is an exciting new
g-ray–emitting SNR, because its age lies in the
gap between young (<2000 years) TeV-emitting
SNRs, and old (≳10000 years) TeV-quiet SNRs.
The latter can be bright pion-decay sources, but
their spectra appear to be cut off above ∼10 GeV.
N 132D provides, therefore, an indication of how

long SNRs contain CRs with energies in excess of
1013 eV.

SN 1987A

SN 1987A, the only naked-eye SN event since the
Kepler SN (AD 1604), has been extensively ob-
served at all wavelengths from the radio to the
soft g-ray band, providing invaluable insights
into the evolution of a core-collapse SNR in its
early stage (49).
It has been suggested that even in the early

stages of the SNR development, the shock wave,
which is heating the dense circumstellar me-
dium (CSM) structured by stellar winds of the
progenitor star, should have led to efficient ac-
celeration of VHE nuclear CRs, accompanied by
strong magnetic-field amplification through
CR-induced instabilities (14, 50). In collisions of
the CRs with CSM particles, g rays are produced.
Estimates for the g-ray flux (14, 15) strongly de-
pend on the magnetic-field topology and on the
properties of the nonuniform CSM (51), making
flux estimates uncertain by at least a factor
of 2 (14).
Based on a nonlinear kinetic theory of CR

acceleration, successfully applied to several
young Galactic SNRs, the volume-integrated
g-ray flux at TeV energies, Fg(>1 TeV), from SN
1987A was predicted to be rising in time and
to have reached a level of ≈2.5 × 10−13 ph cm−2 s−1

in the year 2010 (14). An analysis with differ-
ent assumptions on CSM properties and a more
phenomenological approach to CR accelera-
tion resulted in a predicted flux of ∼8 × 10−14 ph
cm−2 s−1 in the year 2013 (15). The H.E.S.S. upper
limit Fg (>1 TeV) < 5 × 10−14 ph cm−2 s−1 at a 99%
confidence level, obtained from observations
made between 2003 and 2012, being below the
aforementioned predictions and a factor of 3
below similar estimates for the year 2005, there-
fore places constraints on the models despite
their uncertainties.
The H.E.S.S. upper limit on the g-ray flux trans-

lates into an upper limit for the g-ray luminosity
of Lg (>1 TeV) < 2.2 × 1034 erg s−1, which can be
used to derive an approximate upper limit on
the energy of the accelerated particles, Wpp, for
a given average target density. Multiwavelength
studies of SN 1987A suggest that the shock at the
current epoch has reached and is interactingwith
the so-called equatorial ring, for which gas den-
sities ranging from 103 cm−3 to 3 × 104 cm−3 have
been found (52). Thus, one finds a conservative up-
per limit,Wpp≲ 1.4× 1048 f −1 erg, where 0 < f< 1 is
the fraction of accelerated particles that are
interacting with the dense regions. This upper
limit on the energy of accelerated CR particles
corresponds to 0.15 f −1% of the explosion energy
of 1051 erg.
Assuming a spherically symmetric distribution

of accelerated particles, one can estimate f ∼ 0.2
with the geometry of the equatorial ring found in
(53). This translates to Wpp ≲ 9×1048 erg, im-
plying that less than 1%of the explosion energy is
carried by accelerated CR nuclei. This fraction is
rather small comparedwith typical values of ∼10%
for young SNRs (of ages ∼1000 to 2000 years) but
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Fig. 4. Intrinsic SED of N 157B (black) and the Crab nebula (gray). The model shown assumes the
same injection parameters as derived for the Crab nebula [Emin = 400 GeV, Ec = 3.5 PeV, Ge = 2.35 (57)].
Themagnetic field required to explain the Chandra data of N 157B in the highest possible radiation fields is
45 mG. A significantly better fit to the Chandra data is obtainedwith Ge= 2.0 but requires amuch lower cut-
off of Ec ≲ 100 TeV.

RESEARCH | REPORTS

•Associated with fastest rotating pulsar  known: PSR J0537-6910  (P=16ms) 
•Rotational energy loss comparable to Crab pulsar (5x1038 erg/s) 
•Much more dominated by inverse Compton:  

•radiation field in Doradus region? 
•lower B-field than Crab 

•Not detected in field:  B0540/PSR J0540-6919  (Edot=1.5x1038erg/s) 
•B0540 bright in X-rays and Fermi detected



•Presentation based on  
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